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Abstract

1st Supervisor: Prof. Sean Matt
2nd Supervisor: Prof. Tim Harries

T Tauri stars are young low-mass stellar objects. Studying how the progenitors
of Sun-like stars form is vital to our understanding of stellar evolution and planetary
formation. However, themechanisms bywhich these stars accretematter, powerwinds, and
shed angular momentum remains elusive. Too distant and dim to probewith direct imaging
or interferometry, the inner disks of T Tauri stars must be studied using spectroscopy.
However, the atomic spectra of these stars are complex and highly variable. Radiative
transfer modelling offers a powerful tool for understanding the physical processes that
create T Tauri stars’ enigmatic hydrogen emission lines.

In this thesis, I use the state-of-the-art radiative transfer code TORUS to explore
synthetic T Tauri spectra. I present a detailed description of the radiative transfer code
and the T Tauri model. Moreover, I develop and test a new polar stellar wind framework
applicable to both axisymmetric and non-axisymmetric T Tauri simulations. In addition,
I explore the effects of Stark and turbulent broadening. The optical and near-IR spec-
troscopy of 29 T Tauri stars is compared with a grid of synthetic line profiles created using
TORUS . The archival T Tauri spectra, obtained with VLT/X-Shooter, provide simulta-
neous coverage of many optical and infrared hydrogen lines. The observations exhibit
morphologies similar to those seen in other studies. The synthetic line profile grid was
computed for the hydrogen transitions of HU, PaV, PaW, and BrW for a fiducial T Tauri
model that included axisymmetric magnetospheric accretion and a polar stellar wind. Fur-
thermore, I use the Reipurth classification scheme to study observed and synthetic profile
morphology distributions.

I show that the modelled infrared lines are narrower than the observations by
≈ 80 kms−1. In other words, the mean width of the synthetic lines is only ≈ 50 per
cent of the observed mean width. Additionally, the models predict a significantly higher
proportion (≈ 90 per cent) of inverse P-Cygni profiles. The radiative transfer models
suggest that the frequency of P-Cygni profiles depends on the ratio of mass loss to mass
accretion rates, and blue-shifted sub-continuum absorption is predicted for mass-loss



rates as low as 10−12 "� yr−1. Several modifications to the T Tauri models are explored,
including the effects of rotation and turbulence on the synthetic hydrogen line profiles.

Finally, I present six 3D T Tauri models that include non-axisymmetric accretion
flows and wind. For each model, line profiles are calculated at different azimuthal values,
allowing me to study the rotational variability of the synthetic spectra. The models
exhibit patterns of variability, correlation, and morphology, as seen in observations and
previous theoretical studies. It was seen that non-axisymmetric accretion flows could
reduce the frequency of inverse P-Cygni profiles and increase the HW10% of the infrared
lines by ≈ 60 kms−1. However, the width of both the infrared lines and HU increased
simultaneously. Additionally, the 3D models predict trends in the variation of equivalent
width and profile half-width that could be tested against T Tauri time-series spectroscopy.

The radiative transfer code developed in this work and the models presented in
this thesis provide a modern foundation for future synthetic T Tauri line modelling. The
models were show to successfully reproduced the hydrogen line profile characteristics
similar to those of T Tauri stars. Moreover, the radiative transfer modelling predicted
trends in variability and profile morphology that observations could verify. However, this
thesis also highlights several problems with the current models and discusses how future
work may solve these obstacles so that radiative transfer modelling can be used effectively
as an effective diagnostic tool for T Tauri systems.
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Chapter 1

Introduction

“Dwell on the beauty of life. Watch the stars,
and see yourself running with them.”

Marcus Aurelius, ‘Meditations’.

Since our first ancestors, just under half of our existence has been spent living in the
dark. The blackness of the sky and the sparks of light that appear each night to bejewel it
have been a constant companion to all life on Earth. The stars of the night sky have played
an intrinsic role in shaping our understanding of the world in which we exist. Before
we knew what stars were, they provoked our imagination, inspiring our songs, stories,
and beliefs. Early cultures identified stars with their gods and used their movements as
prophecies of the future. Moreover, since ancient times, humans have been using the
patterns and motion of stars to track the passage of time and to navigate across land and
the ocean. The study of stars is one of the oldest sciences, which has its beginnings at
the root of many cultures. Astronomy, in its modern form, is far removed from its ancient
origins but still plays an integral role in our society. Not only does astronomy inspire
us to look outwards, but it pushes the boundaries of science and technology. It gives
us an insight into the immensity of the universe, entwining our view of Earth with the
vastness and beauty of space. As astronomy has progressed, we have discovered many
extraordinary phenomena; however, millennia on, the study of stars still provides us with
intriguing discoveries that reveal secrets to our genesis.

Although stars are the most prominent and numerous objects observable in our sky,
investigating them is a non-trivial problem. The difficulties arise from a disparity of scale.
With terrestrial objects, we can generally poke things with a stick, look inside them, or
watch them change over time. However, stars can live for billions of years, and the closest
star to Earth, the Sun, is more than 150 million kilometres away. Therefore, we cannot
observe a star over its entire lifetime to see how it changes and until very recently, when
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the Parker Solar Probe dived through Sun’s corona (Kasper et al. 2021), we had never
poked one with a stick.

To overcome these challenges, astronomers analyse the star’s movement, spectra,
and neighbours to learn about their internal workings, and they use large samples of stars
to piece together the different phases of their lives. For instance, the Sun is already over
4.5 billion years old. It is known to be in its main-sequence, a period characterised by
the fusion of hydrogen into helium in the core, a phase that will last for approximately 10
billion years. In contrast, the pre-main-sequence evolution of Sun-like stars is brief, on
the order of 10 million years, yet encompasses a broad range of physics that determines
their future evolution. The time when these stars are free from an enshrouding cloud of
debris and before they reach the main-sequence is only a few million years, making them
rare to observe and, therefore, difficult to study. However, determining the mechanisms
that govern the formation of young stars is pivotal to our understanding of the evolution of
stars, their disks, and, ultimately, the formation of life-bearing planets such as the Earth.

The progenitors of Sun analogues are known as T Tauri stars and were originally
defined by Joy (1945). T Tauri stars are low-mass . 2 M�, young (∼ 1 to 10 Myrs)
pre-main-sequence stars that have strong magnetic fields (Johns-Krull 2007) on the order
of a few kG. T Tauri stars are generally divided into two subgroups: classical T Tauri stars
and weak line T Tauri stars. Classical T Tauri stars have an observed excess of infrared
and ultraviolet continuum, and they show strong emission lines that can have complex
kinematic profiles (Reipurth et al. 1996). Their continuum and line luminosity can be in
excess of the photospheric luminosity and, furthermore, they display an enigmatic pattern
of variability across the spectral regime (Hartmann et al. 2016). Weak line T Tauri stars
have a similar age to classical T Tauri stars but show neither strong emission lines nor
excess infrared emission. The strong hydrogen HU line, observed in classical T Tauri
stars, correlates with the presence of an accretion disk; weak line T Tauri stars are thought
to be not accreting.

For decades, the observed infrared excesses of T Tauri stars were taken as evidence
for the presence of circumstellar disks (Mendoza V. 1968; Strom et al. 1989) and coron-
agraphic observations of T Tauri stars confirmed the presence of disk and outflows (e.g.
Schneider et al. 2003). Furthermore, interferometric observations show the existence of
a circumstellar disk around T Tauri stars, for example, Simon et al. (2000), and more
recently, the survey by Anthonioz et al. (2015). However, the inner gaseous disk regions
of T Tauri stars, where the dust is sublimated, are small ≈ 0.1 AU. Additionally, T Tauri
stars are relatively faint, for example, in comparison to their larger counterparts, Herbig
Ae/Be stars. Combined, the size and the brightness of T Tauri stars make interferometric
observations of the inner disks challenging. Whilst modern interferometric observations

12
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can probe the outer disk regions of T Tauri stars, for example, GW Orionis (Kraus et al.
2020), the inner disk regions and the processes of accretion are poorly constrained by
observations.

Figure 1.1: A cartoon of a T Tauri Star. The image shows the circumstellar disk, the magneto-
spheric accretion, and accretion shock zone. The possible mass outflows from the system are also
marked. A magnetospheric ejection is indicated to be forming in an inflated magnetic field line.

1.1 Accretion and mass-loss process of T Tauri stars

The manner by which accreting matter moves from the disk to the stellar surface provides
an interesting problem in T Tauri stars. The original disk-boundary layer model theorised
that the accretion disk extended down to the star, where the material was rapidly decel-
erated, transferring angular momentum to the star (e.g. Hartmann et al. 1994). However,
observations of T Tauri stars show that they are generally slow rotators (e.g. Bouvier
et al. 2014). Therefore, there must be some mechanism to remove the angular momentum
from the star, a process that is difficult to reconcile with the disk-boundary layer model.
Furthermore, some of the observed spectra exhibit inverse P-Cygni features (e.g. Reipurth
et al. 1996; Folha & Emerson 2001; Edwards et al. 1994); red-shifted sub-continuum ab-
sorption created by gas moving away from the observer, absorbing emission from beyond
it. The boundary layer model cannot explain the broad high-velocity wings of the atomic
spectra or the inverse P-Cygni profiles seen in some of the observed spectra.

13
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Camenzind (1990) and Koenigl (1991) proposed that the accretion mechanism is
similar to that of neutron stars, as theorised by Ghosh et al. (1977). In this formalism,
known as magnetospheric accretion, the magnetic field truncates the disk at a radius 'mi,
where the magnetic and material stresses are of the same order. The accreting material
free-falls from the disk to the stellar surface along the magnetic field, creating an accretion
column or funnel. The in-falling matter thermalises the kinetic energy as it impacts the
stellar surface, forming a shock zone or “hot-spot”. The enormous energy release heats
the gas to ≈ 106 K and dissipates the energy as X-rays and extreme ultraviolet. The
short-wavelength radiation is quickly reabsorbed in the optically thick accretion gas and
re-emitted as longer wavelength radiation. This emission could be responsible for the
high blue and UV excesses observed from T Tauri stars (e.g. see Muzerolle et al. 1998b;
Hartmann et al. 2016, and references therein). The presence of an extendedmagnetosphere
allows for mechanisms that transport angular momentum away from the star, which can
help explain the observed slow T Tauri rotation (Bouvier et al. 2014). Furthermore,
magnetospheric accretion can explain the inverse P-Cygni profiles. The accreting gas
falling away from the observer at high velocity can absorb photospheric, continuum, and
line emission from the star and magnetosphere.

Bouvier et al. (2007) firmly established the funnel-flow magnetospheric accretion
paradigm as the generally accepted model for accretion in classical T Tauri stars. Blue-
shifted sub-continuum absorption (the classical P-Cygni profile) is also observed and
interpreted as evidence of the presence of mass outflows (e.g. Edwards et al. 2006; Kwan
et al. 2007). Fig. 1.1 shows a cartoon depicting the standard model of T Tauri accretion
and outflow. The figure shows the accreting disk, which sublimates from dust to gas at
some radius. The magnetic fields of the star truncate the inner disk, and the gas free falls
onto the star along the closed field lines. The figure points to three forms of mass outflow:
stellar wind from the poles, disk wind, and magnetospheric ejections.

The truncation radius of the circumstellar disk is expected to be at the point where
themagnetic and gas ram pressures roughly equate. For example, Koenigl (1991) theorised
that the truncation radius 'mi of the disk would be where the magnetic stress is strong
enough to remove the angular momentum of the Keplerian flow in a narrow region. This
can be quantified as

'mi =
V`

4
7
∗

(2�"∗)
1
7 ¤"

2
7
acc

(1.1)

where `∗ is the magnetic dipole moment of the star, "∗ and ¤"acc are the mass of the
star and the mass accretion rate of the disk, respectively. The parameter V . 1 is a
proportionality coefficient that encapsulates effects such as the magnetic field geometry,
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energy, and coupling to the disk. The material must be coupled to the magnetic field to
truncate the disk. For instance, if the inner disk . 0.1 AU has a temperature of & 103 K,
then collisional ionisation should be sufficient to create a field-gas coupling (Koenigl
1991). For fiducial T Tauri values of "∗ = 0.5 M�, a stellar radius '∗ = 2 R�, and a
magnetic field of ≈ 1 – 2 kG, the truncation radius can be estimated to be ≈ 4 – 6 '∗
at an accretion rate of ¤"acc = 10−8 M� year−1. Typical deduced T Tauri parameters and
accretion rates lead to a truncation radii of ∼ 2–6 '∗ (cf. Muzerolle et al. 2001; Hartmann
et al. 2016).

The accreting matter will free fall from the truncation radius to the stellar surface,
releasing the kinetic energy, which is assumed to radiate away. Calvet & Gullbring (1998)
showed that the shock region forms near the photosphere, and the energy could be radiated
away. Therefore, the excess luminosity from the accretion !acc can be used to approximate
the accretion rate of the star. The accretion rate can be determined from the accretion
luminosity using the relationship (Calvet & Gullbring 1998)

!acc =
�"∗ ¤"acc

'∗

(
1 − '∗

'mi

)
. (1.2)

During their evolution, the T Tauri star accretion rates are observed to be in the
range of 10−9 to 10−7 M�yr−1 (Muzerolle et al. 2001). Material accreting from the disk
will transfer angular momentum to the star, spinning it up. The spin-up torque on the star
can be quantised as (Matt & Pudritz 2005b)

gacc = ¤"acc
√
�"∗'mi . (1.3)

Combined with the fact that the T Tauri stars are still contracting, the stars are expected
to spin up to break-up velocities in ∼ 106 yrs (Zanni & Ferreira 2009). However, T Tauri
stars are generally slow rotators; a significant fraction of the stars have rotation rates of
one to ten days, well below their rotation limit (Bouvier et al. 1993). Therefore, since the
accretion and contraction processes are expected to spin up the T Tauri stars, and they
are not usually observed to rotate near their break-up velocities, there must be an efficient
mechanism by which the angular momentum is removed.

The process that brakes the rotation of T Tauri stars is still debated. Camenzind
(1990) and Koenigl (1991) proposed that star-disk interactions could provide a spin-
down torque. They suggested that the closed magnetic field lines threading the disk at
radii greater than the corotation radius (where it is rotating slower than the star) exert
a torque on the stellar surface, effectively braking its rotation. However, analytical and
magnetohydrodynamic simulations show that the differential velocity between the star
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CHAPTER 1. INTRODUCTION

and disk twists the magnetic fields, inflating them and opening the magnetosphere (e.g.
Uzdensky et al. 2002; Matt & Pudritz 2005a). This effect greatly reduces the spin-down
torque efficiency of the extended magnetosphere (see Ireland et al. 2021, and references
therein). Zanni & Ferreira (2009) concluded that for their numerical example, the spin-
down torque from the star-disk magnetic connection could only remove 10 per cent of the
spin-up torque from the accretion.

Another mechanism for transporting angular momentum away from the stars arises
from the opening and reconnecting of the magnetic field lines. This effect is caused by
the inflation of magnetic fields induced by the difference in rotation velocities between the
star and disk (e.g. Zanni & Ferreira 2009; Ireland et al. 2021). The mechanism is known
as magnetospheric ejections and can carry both angular momentum and mass away from
the disk and the star. Magnetospheric ejections can provide a spin-up or spin-down torque
depending on the relative location of the truncation and corotation radii. Zanni & Ferreira
(2013) were able to show that for a mass-loss rate of 1–2 per cent of the accretion rate,
magnetospheric ejections could balance 20–30 per cent of the accretion torque.

A further proposed mechanism to remove angular momentum is through the in-
teraction of the magnetic field and a stellar wind (e.g. Matt & Pudritz 2005b, 2008a).
Blue-shifted sub-continuum absorption (P-Cygni) features provide observational evidence
of disk and stellar winds from T Tauri stars (e.g. Edwards et al. 2003, 2006). Typical mass
outflow rates from T Tauri stars are on the order of ∼ 0.01 ¤"acc (Hartigan et al. 1995), but
can be as high as ∼ 0.2 ¤"acc (Cranmer 2008). A stellar wind coupled to open magnetic
field lines can produce a spin-down torque on the stellar surface.

As the star rotates, the wind is accelerated by the magnetic field, pushing it to
rotate with the star, transporting angular momentum to the wind. Matt & Pudritz (2005b)
characterised this stellar wind torque as

gsw = −^ ¤"swΩ∗'
2
� (1.4)

for a stellar wind mass-loss rate ¤"sw and a stellar rotation rate Ω∗. ^ is a dimensionless
quantity that accounts for the geometry of the wind. The Alfvén radius '� is the distance
at which the wind velocity becomes super-Alfvénic. Beyond '�, the magnetic interactions
between the wind and the star are reduced. The spin-down torque from a stellar wind can
be orders of magnitude greater than that provided by star-disk interactions (e.g. Matt &
Pudritz 2008b).

However, Matt & Pudritz (2008b) showed that to balance accretion and wind torque,
a mass-loss rate of ∼ 10 per cent of the mass accretion rate is required. A mass-loss rate
this high is difficult to achieve unless the wind is powered by a significant proportion
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1.1. ACCRETION AND MASS-LOSS PROCESS OF T TAURI STARS

(∼ 36 per cent) of the accretion power (Zanni & Ferreira 2009; Matt & Pudritz 2008b).
Mass-loss rates of this size have been identified, but it is unclear what proportion of these
winds originate from the star or disk (Matt & Pudritz 2008b). Furthermore, while there
is a strong observed correlation between the accretion rate and the mass-loss rate, the
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Figure 1.2: A logarithmic density colour map of a magnetohydrodynamic T Tauri model created
from data produced by Ireland et al. (2021). The magnetic field is represented by the white lines.
The red lines surround the area associated with magnetospheric ejections. The green arrows
indicate the material velocity normalised by the Keplerian velocity. The magnified insert shows
the magnetospheric accretion and the truncation radius 'mi = 2.41 '∗.
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cause of this connection is debated. A limited amount of research has explored how the
accretion energy could power a stellar wind. Cranmer (2008) and Cranmer (2009) showed
that turbulent magnetic waves could work as a power transfer mechanism but could only
achieve efficiency on the order of ¤"sw/ ¤"acc ≈ 1 per cent.

Fig. 1.2 shows a snapshot of a magnetohydrodynamic T Tauri model, created from
the simulations of Ireland et al. (2021) and is representative of modern T Tauri magne-
tohydrodynamic simulations. The model shows a mass density map of an axisymmetric
simulation of a T Tauri star. The white lines indicate the magnetic field lines, which near
the star are closed and truncate the circumstellar disk, forming a magnetosphere. Despite
the simulations being initialised with north-south symmetry, the accretion funnel predomi-
nantly prefers one hemisphere over the other, creating a non-axisymmetric magnetosphere.
During the simulation run-time, the accretion funnel may remain in one hemisphere or
switch as magnetic perturbations disturb it (Ireland et al. 2021, 2022). In Fig. 1.2, red
boundary lines indicate the area corresponding to magnetospheric ejections. The figure
shows magnetic field lines that are being stretched by the interaction of star and disk until
they are disconnected and reconnected. The green arrows indicate the relative speed of
the material in multiples of the star’s Keplerian velocity. Beyond a radius of ∼ 6 '∗, the
field lines threading the disk become open; in other words, they are stretched, effectively
extending to infinity. A slow disk wind is seen flowing from the disk. Magnetocentrifugal
forces may drive such a wind, accelerating matter along the open field lines where the
angle between the disk and the field is less than 60◦ (Blandford & Payne 1982). Fig. 1.2
also shows a fast thermally driven stellar wind flowing from the poles of the star.

1.2 Spectroscopic analysis of T Tauri stars

Due to the physical size, distance, and brightness of T Tauri stars, direct and even interfer-
ometric observations of the inner disks remain challenging. Therefore, our understanding
of the mechanisms of accretion and outflow in these stars must be inferred indirectly from
alternative observations. One such observational metric is the analysis of atomic spectral
lines associated with the release of accretion energy. The shock regions produce near
X-ray, ultraviolet, optical, and infrared continuum emission. However, broad optical and
infrared emission lines are most commonly associated with the extended magnetospheric
accretion (Hartmann et al. 2016). The spectral lines contain the kinematic information
required to understand these stars’ accretion and outflow processes. However, the ob-
served spectra are complex, and disentangling the contributions from different T Tauri
components is challenging. While extensive magnetohydrodynamic modelling of T Tauri
stars has given valuable insight into the possible accretion and wind processes, better
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observational diagnostics are needed to constrain the theory of T Tauri evolution. To do
this, the radiative emission of these stars needs to be modelled to decipher the observed
line profiles.

Complex radiative transfer models were first employed to study magnetospheric
accretion in T Tauri stars by Hartmann et al. (1994). They used a two-level hydrogen
model to show that magnetospheric accretion could explain the strong emission lines and
blue excess of several T Tauri stars. Muzerolle et al. (1998b) further built on the T Tauri
model of Hartmann et al. (1994) by using a 2D radiative transfer code that performed a
multilevel statistical equilibrium calculation for eight hydrogen levels. They concluded
that the BrW line profiles could be reproduced for embedded objects and that the Balmer
line flux was consistent with observations. Muzerolle et al. (1998b, 2001) used radiative
transfer simulations to constrain the temperature of the accretion column to the range
6000–10000 K and determined that Stark broadening may contribute to the observed
broad HU wings (±500 kms−1). Folha & Emerson (2001) noted that the radiative transfer
magnetospheric accretionmodels produced infrared lines (Paschen and Brackett) that were
narrower than their observations by ≈ 100 kms−1.

Kurosawa et al. (2006) introduced a disk wind and a polar stellar wind into their
T Tauri radiative transfer simulations. They showed that the observed blue-shifted sub-
continuum absorption profiles, interpreted as evidence of the presence of mass outflow
(e.g. Edwards et al. 2006; Kwan et al. 2007), could be reproduced by their wind models.
Additionally, using wind and magnetospheric accretion models, Kurosawa et al. (2006)
were able to produce the seven classical line profile classes defined by Reipurth et al.
(1996). Furthermore, Kurosawa et al. (2011) showed that a bipolar stellar wind would
produce broad P-Cygni absorption due to its high velocity and narrow P-Cygni absorption
was the product of a slow disk wind. Both of these forms of P-Cygni profiles are observed
(e.g. Edwards et al. 2006); although, it is not clear in which physical paradigms these
outflow mechanisms are dominant or whether they coexist.

Another consideration for magnetospheric accretion is that the magnetic fields of
T Tauri stars are never perfectly aligned with their poles (e.g. McGinnis et al. 2020). A
magnetic obliquity will likely cause the accretion funnel to favour specific longitudes of
the ascending nodes (e.g. Espaillat et al. 2021), restricting the azimuthal angle of the mag-
netosphere. A non-axisymmetric accretion funnel is likely to reduce the frequency of the
observed inverse P-Cygni profiles and cause significant line and continuum variability as
the hot-spots and accretion columns rotate with the star. Symington et al. (2005a) explored
non-axisymmetric radiative transfer models and the rotational phase line variability. They
showed that introducing a magnetic dipole offset induced greater line variability than was
observed. Kurosawa et al. (2005) used similar models to compare synthetic spectra with
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time series PaV spectroscopy from SU Aurigae and were able to reproduce some of the
observed velocity and equivalent width variability. Other studies have used magnetohy-
drodynamic models and post-processed them using radiative transfer simulations. For
example, Kurosawa et al. (2008) and Kurosawa & Romanova (2012) successfully repro-
duced many of the commonly observed hydrogen line profiles and predicted similar line
variability. Some studies have used magnetohydrodynamic models of stars with well-
constrained stellar parameters to create radiative transfer models to study the observed
emission. For instance, Alencar et al. (2012) successfully used a non-axisymmetric accre-
tion model based on a magnetohydrodynamic simulation to perform a radiative transfer
simulation of V2129 Oph* in HU and HV. Despite some similarities between the modelled
emission and the observed spectroscopy, the authors could not reproduce the red-shifted
absorption accurately.

Summary

T Tauri stars present an interesting problem in that their accretion and mass-outflow
mechanisms remain elusive even with decades of observations and modelling. Modern
radiative transfer simulations offer an opportunity to unlock the origins of the complex
spectra. However, despite the relative success of radiative transfer studies, the T Tauri
models still have multiple free parameters and chronic degeneracy. It is unclear how to
disentangle the effects of geometry, accretion, and mass loss on the observed spectra.
Consequently, although the evidence supports the magnetospheric paradigm, radiative
transfer models need development. Therefore, while radiative transfer simulations can
provide valuable insight into the spectra of T Tauri stars, there is still room for significant
improvement of the models and their parameterisation.

The primary problems facing radiative transfer simulations are as follows. The
constraints on the magnetospheric temperature and accretion rates are still vague because
of a lack of a comprehensive theory for the heating of the accreting gas. Both stellar
and disk winds have been modelled, but the dominant geometry, mass-loss rate, and
temperature are still argued. Folha & Emerson (2001) noted that the synthetic infrared
lines produced were too narrow. Furthermore, 3D radiative transfer simulations based on
magnetohydrodynamic T Tauri simulations struggle to reproduce the observed red-shifted
atomic line components. In this thesis, I use and develop a new generation of T Tauri
models for the radiative transfer code TORUS , incorporating both polar stellar winds and
an accelerated Monte Carlo processes. I explore a grid of synthetic hydrogen transitions
using these models and compare them to the same atomic spectra from 29 T Tauri stars.
The comparison aims to determine whether a range of accretion rates, mass-loss rates,
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and temperatures based on observed parameters can reproduce the ensemble of observed
T Tauri spectral characteristics.

This thesis aims to achieve two primary research goals. Firstly, I will scrutinise
the radiative transfer T Tauri models presented in this thesis and consider possible mod-
ifications to improve the diagnostic capabilities via a comparison to observed spectra.
Secondly, I will extend the 2D dimensional models to 3D and attempt to evaluate how
non-axisymmetric accretion influences the spectral characteristics of the optical and in-
frared hydrogen lines. This research was undertaken to further the current theories on the
evolution of Sun-like stars by improving T Tauri radiative transfer models.

In Chapter 2, the radiative transfer code TORUS (Harries et al. 2019) is presented
and the new developments of the T Tauri model are described. Next, in Chapter 3, I reduce
and show a set of hydrogen spectra from 29 T Tauri stars. Then, in Chapter 4, I examine
the observed spectra in comparison to a grid of synthetic hydrogen line profiles produced
using TORUS, focusing on the profile morphologies. Finally, in Chapter 5, I explore
3D non-axisymmetric T Tauri models and consider the rotational phase variability of the
synthetic spectra.
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Chapter 2

Radiative Transfer

Radiative transfer simulations attempt to reproduce the flow of electromagnetic energy
through and around different media, the characterisation of which can reveal the com-
plex physical process at play in the interaction of radiation and matter. Furthermore, it
can be used to predict the observational characteristics of different theoretical physical
phenomena. At the heart of these simulations is the radiative transfer equation,

d�a
dga

= (a − �a (2.1)

where ga is the optical depth of the medium at frequency a. The specific intensity �a is
the radiative energy flux per solid angle per frequency bandwidth, and (a is the source
function, the ratio of the local absorption and emission coefficients. For all but the most
simple systems, modelling the passage of light through a medium is a complex problem
which has to be solved numerically (see Steinacker et al. 2013). The complexity of the
system arises because the radiation field �a is coupled to the state of the medium (a by
microphysical processes such as temperature, ionisation, and excitation. This coupling can
be time-dependent and non-local due to the communication of physically distant regions
via their radiation fields (Harries et al. 2019).

This chapter introduces the radiative transfer code TORUS in § 2.1 and discusses
the theory behind the simulation of radiation around stars in § 2.2. The geometry and
parameters of the T Tauri models used to create the synthetic spectra are discussed in § 2.3.
Additionally, in § 2.4, we present two small grids of synthetic line profiles to validate the
results of TORUS and our T Tauri model.



2.1. INTRODUCTION TO TORUS

2.1 Introduction to TORUS

TORUS is a radiation transfer and radiation hydrodynamics code designed around the
core tenet of flexibility. Originally written by Tim Harries, the code has been notably
developed by Neil Symington, Ryuichi Kurosawa, Dave Acreman, and TomHaworth. The
core capabilities and programme flow are described in Fig. 2.1. The physical variables
are stored in a grid structure. To balance efficiency with the accuracy of the solution,
TORUS uses an adaptive mesh refinement (AMR) to vary spatial resolution in different
computation domains. For example, areas of high optical depth, such as the T Tauri
accretion funnel, require smaller grid cells to resolve accurately than the significantly
less dense stellar wind that is far from the star. There are several physical processes
that TORUS can simulate, including radiative dust equilibrium, radiative hydrodynamics,
photoionisation, and statistical molecular and atomic equilibrium. The states of the
radiation field �a and medium (a are then solved iteratively using either Monte Carlo
photon packet tracing or ray tracing. TORUS can output several products, including
Stokes intensity maps, spectral energy distributions (SED), and line spectra.

2.2 Radiative transfer calculations

TORUS has previously been used tomodel the emission fromTTauri stars (e.g. Symington
et al. 2005a; Kurosawa et al. 2006, 2011). However, the treatment of the radiation field
that is used in this work has diverged significantly from prior versions. The latest exact
integration method used to calculate the atomic (and molecular) statistical equilibrium
is based on the accelerated Monte Carlo scheme developed by Hogerheĳde & van der
Tak (2000). This implementation was presented for molecular statistical equilibrium in
TORUS by Rundle et al. (2010).

The original TORUS code calculated the atomic statistical equilibrium using the
Sobolev approximation and geometric dilution based on thework ofKlein&Castor (1978).
The line profileswere then determined using traditionalMonteCarlo radiative transfer. The
MonteCarlo formalism uses photon packets originating from randompositions (simulating
the spontaneous emission) in the field that travel on random paths until they either escape
the field or are absorbed. Other photon sources, such as stars and background radiation,
are treated using separate photon packets. The passage of photon packets through a cell
contributes to the local radiation field.

The accelerated Monte Carlo scheme of Hogerheĳde & van der Tak (2000) is based
on a cell-centric model, in which rays are propagated to random positions in a cell from
random directions. Solving the radiative transfer equation along these rays to find the
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Figure 2.1: An overview of the capabilities of TORUS as described by Harries et al. (2019).
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local radiation field accelerates the convergence of the simulation in areas of significant
optical depth. In a full co-moving frame simulation, the rays are propagated from infinity
or other intersection points (stars, disk, etc.) to the cell, the integrated radiation field
along the rays is then used to calculate the statistical equilibrium. However, this is
considerably computationally expensive and often the problem is simplified by using the
Sobolev approximation (Sobolev 1957).

The Sobolev approximation works for a medium with large velocity gradients. It
assumes that radiative interactions at any point are driven by the local vicinity due to the
shift in the resonant frequencies of the emitting and absorbing atoms due to the velocity
gradient (Grinin 2001). The Sobolev length or characteristic length B0 of the local vicinity
is given by the distance from a point such that the change in resonant frequency due to the
velocity gradient is equal to the half-width of the spectral line profile given by the thermal
or turbulent velocity EC

B0 =
EC��dE/dB�� (2.2)

where dE/dB is the velocity gradient. If the velocity gradient is approximated as E/',
where ' is the characteristic size of the system and E is the characteristic large-scale
velocity, the Sobolev length can be estimated by B0 ≈ '/(E/EC).

The radiative transfer method used by TORUS in this thesis computes the line
profiles in two stages. First, TORUS calculates the level populations using the Sobolev
approximation and assuming statistical equilibrium. Second, TORUS computes the line
profiles using full-frame co-moving ray tracing. This method is known as Sobolev with
exact integration (SEI) (Harries et al. 2019).

2.2.1 Statistical equilibrium

TORUS calculates the level populations assuming the Sobolev approximation based on the
method of Klein & Castor (1978). The electron energy level populations of the hydrogen
atoms are solved for 15 levels, with 3 more held in local thermal equilibrium (LTE). The
statistical equilibrium rate equation is a balance of '!

;
the net transition from the ;th level

to lower levels, the transition from the ;th level to higher levels '*
;
, and the recombination

and ionisation rates ''
;
and '�

;
, respectively. These components are balanced for each

level, so that
'!; + '

*
; + '

'
; − '

�
; = 0. (2.3)
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Using the equations that define each term, the statistical equilibrium rate equation is as
follows.∑

;<D

[
#; (�;DJ;D + #4�;D) − #D (�D; + �D;J;D + #4�D;)

]
+

∑
;>D

[
#; (�;D + �;DJ;D + #4�;D) − #D (�D;J;D + #4�D;)

]
+ #∗D


∫ ∞

aD

4c
ℎa
0D (a)

(
2ℎa3

22 + �a

)
exp


(
− ℎa

:�)6

) da + #4�D:


− #D

[
4c

∫ ∞

aD

0D (a)
ℎa

�a da + #4�D:

]
= 0 (2.4)

where �;D, �;D are the Einstein coefficients and �;D is the collision rate. #D is the
population of level D in statistical equilibrium and #∗D the level population given by the
Saha-Boltzmann equation for an electron density #4 and temperature )6. �a is the angle
average continuum mean intensity and term 0D (a) refers to the photoionisation cross
section of level D at frequency a. The term : refers to the continuum state. The angle-
averaged profile-weighted intensity of the radiation field in the line transitions between ;
and D is J;D and is determined using the Sobolev escape probability theory. J;D gives the
probability that a photon is absorbed in the transition of ; → D (Hubeny 2013) and for
; < D it is given by (cf. Harries et al. 2019; Kurosawa et al. 2011),

J;D =
(
1 − V;D

) 2ℎa3
;D

22

[
6D

6;

#;

#D
− 1

]−1
+ V2,;D �2,;D . (2.5)

Here, 6 represents the level degeneracy, �2,;D the line frequency continuum intensity, and
the variables V;D and V2,;D are the Sobolev escape probabilities given by the expressions

V;D =
1

4c

∮
4c

1 − e−g;D
g;D

dΩ , (2.6)

and
V2,;D =

∫
Ωdisk

1 − e−g;D
g;D

dΩ . (2.7)

The continuum escape probability V2,;D is calculated by integrating the Sobolev optical
depth g;D across the solid angle subtended by the stellar photosphere Ωdisk, see § 2.3.1.3.
The Sobolev optical depth for a velocity field v projected along the unit vector n is given
by

g;D (n) =
c42

<42

(
6; 5;D

) 1
E

1
n · ∇v

(
#;

6;
− #D
6D

)
. (2.8)
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Where<4 and 4 are the electronmass and charge, respectively. 5;D is the oscillator strength
of the line transition. Only hydrogen is assumed to be present, so the electron density is
#4 = # ( H)+. Thus, the conservation equation is

=max∑
==1

#= +
=max+3∑
===max

#∗= + # ( H)+ = d

<H
. (2.9)

The above equations of statistical equilibrium are solved iteratively using a Newton-
Raphson scheme on a cell-by-cell basis, assuming the starting conditions are either an
LTE solution or a set of non-LTE solutions from a nearby cell. For each cell, a set of
1024 rays are generated that have randomly assigned frequencies, origins within the cell,
and directions that are biased towards the photosphere. The total continuum intensity is
summed along these rays to determine the local mean intensity. This has the advantage
over the original Klein & Castor (1978) method of geometric dilution of photospheric
flux, in that it can account for continuum attenuation by the intervening material in the
mesh. The solution is taken to be converged when the level populations of more than 95%
of the grid cells have a fractional change of less than 0.01% between iterations.

2.2.2 Synthetic line profiles

Once the level populations have been calculated (§ 2.2.1), TORUS can compute synthetic
observations to model how the system will appear to the observer. Synthetic observations
created in this thesis by TORUS are in the form of position-position-velocity (PPV)
datacubes containing spectral and spatial information. The synthetic line profiles are
calculated using full-frame co-moving ray tracing, which allows for pressure broadening
of the lines and is better suited to dealing with regions of high optical depth when
scattering is not significant. For atomic statistical equilibrium, TORUS does not account
for scattering or Stokes intensities, and only the total intensity is considered. Pressure
broadening is traditionally considered important because T Tauri Balmer lines can have
wings that extend up to ±500 kms−1 (e.g. Edwards et al. 1994). These broad wings are
hard to achieve with model geometry alone and may be the result of Stark broadening
(Muzerolle et al. 1998b, 2001), see § 2.2.3.

TORUS creates the PPV datacubes using co-moving full frame ray tracing and
further details can be found in Harries et al. (2019). To do this, a grid of bins is created,
analogous to the pixels of a CCD. The number of bins and the position of the grid (distance,
inclination, and angle around the midplane) are determined by the user. From each bin,
a series of rays are generated that sample the AMR mesh. The total radiation flux at
a frequency a (or velocity) is integrated along these rays to obtain the observed flux.
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TORUS generates multiple grids at discrete frequency intervals to build a PPV data cube.
For a ray with path C, the total specific intensity �a at a frequency a can be defined in terms
of optical depth ga to be

�a = �0 e−g∞ +
∫ g∞

0
(a

(
g′a

)
e−g

′
a dg′a . (2.10)

Here, �0 is the boundary intensity, g∞ is the total optical depth along the ray and (a is the
source function of the medium. The value of the initial boundary intensity �0 depends
on the intersection point of the path. If the ray hits the stellar photosphere, the value is
computed from the Kurucz (1979) model atmosphere (§ 2.3.1.3). If the ray intersects with
the accretion hotspot, the intensity is a sum of the model atmosphere intensity and the
intensity given by a Planck function for a hot spot temperature of )hs. Otherwise, if the ray
intersects the disk or exits the simulation space, then �0 = 0. Continuum emission from
the disk is not considered in the models presented in this these, therefore, �0 at the disk is
zero.

The ray tracing starts from the defined data cube position-position-velocity bin (the
observer) and moves across the AMR mesh until it exits the other side or hits something,
for example, the photosphere or the accretion disk. As the integration progresses along the
ray, the total optical depth gtotal between the current point and the observer is calculated.
For a path segment dB, the optical depth along it is

dga =
∫

qa^adB (2.11)

where ^a is the local transition-specific absorption coefficient. qa is the line profile and is
discussed in more detail below. The change across dB is then

�new
a = �old

a + (a
(
1 − 4−dga

)
4−gtotal , (2.12)

where the source function is the ratio of local emission 9a and absorption,

(a =
9a

^a
. (2.13)

The emission and absorption coefficients are calculated from the local-level populations
by

9a =
ℎ

4c
· �a;D#D (2.14)

and
^a =

ℎ

4c
· (#;�;D − #D�D;) , (2.15)
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where � and � are the Einstein coefficients.
Initially, each cell of the AMR mesh is divided into two ray segments, but this

number doubles if dga > 0.1 and dga < 20. Furthermore, if the velocity gradient across
the cell would cause the line resonance to be traversed or a is close to the line resonance,
the number of segments is set to 20.

The emission and absorption coefficients are affected by the local velocity, as a
change in relative velocity could Doppler shift the line into resonance. This effect is
contained within the line profile function qa. If the intrinsic line broadening is negligible,
then the profile is defined by thermal Doppler broadening and qa is a Gaussian profile. For
optically thick lines such as HU, pressure broadening becomes important and a normalised
Voigt profile is adopted, which is a convolution of a Gaussian and a Lorentzian (cf.
Vernazza et al. 1973a). The Voigt profile is given as qa = c−1/2�

(
0, H

)
where

�
(
0, H

)
≡ 0
c

∫ ∞

−∞

e−H′2(
H − H′

)2 + 02
dH′ . (2.16)

Here, H = (a − a0) /Δa� , H′ = (a′ − a0) /Δa� and 0 = Γ
4cΔa� where a0 is the line centre

frequency. Δa� is the Doppler linewidth of hydrogen given by

Δa� =
a0
2

√
2) �
<�

+ E2
turb (2.17)

here <� is the hydrogen mass and E2
turb is the turbulent broadening factor (de la Cruz Ro-

dríguez & van Noort 2017), set to zero for part of the present study. The damping constant
Γ is discussed in § 2.2.3.
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Figure 2.2: The distribution rays used in to calculate the line profiles. Note the aspect of the y-axis
and x-axis are equal.

TORUS uses a set of rays that sample the photosphere, magnetosphere, and stellar
wind. The rays are uniformly distributed radially and a random offset is applied to
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the azimuthal distribution. Fig. 2.2 shows a typical arrangement of rays sampling the
photosphere, magnetosphere, and stellar wind. For instance, the models presented in
Chapter 4.2 used a total of 270000 rays spread over the 250 × 250 spatial bins; 10000 for
the photosphere arranged with 100 radial points and 50 azimuthal points within a radius
of ≤ '∗ and another 100 × 50 rays between '∗ and 20'∗. The magnetosphere and wind
have 100 × 50 rays each, and a further four rays per bin of the datacube frame are added
to fill in any gaps in the coverage.

When TORUS uses the SEI method, it spends most of the computation time cal-
culating the outputs. For example, the mean computer uptimes for the models presented
in Chapter 4 were ≈ 12 min to determine level populations and ≈ 40 min to calculate a
single data cube with 300 velocity bins and 250 × 250 spatial bins. For these datacubes,
TORUS used 100 cores spread over five to six nodes with MPI parallelisation.

The datacubes output by TORUS contain position-position-wavelength flux maps
centred around the central wavelength. Using the Doppler relationship, the wavelength _
axis can be converted to velocity E relative to the central wavelength _0,

E =
2

_0
(_ − _0) . (2.18)

By summing the total intensities of each position-position frame of the datacube and
plotting this against the frame velocity, a spectral density plot can be created. This is
demonstrated in Fig. 2.3, which shows a series of eight compound datacube frames and
the spectrum they create. The original datacube had 400 wavelength bins, and the figure
shows eight frames, which are compound images of 80 wavelength bins. The figure also
shows the spectrum (or line profile) created from the datacube, and the contribution of the
frames shown to the line profile. The line profile is plotted as the continuum-normalised
flux versus relative velocity. The flux is normalised by the first wavelength frame of the
datacube, which is assumed to be at the continuum level. Care was therefore taken to
ensure the full extent of the line profiles were covered by the wavelength range of the
datacubes, and the initial frames did not have any line emission in them.

Because the T Tauri models used in this work contain large velocity fields, the
radiation field contains complex emission and absorption components from different areas
of the mesh. For example, in Fig. 2.3, in frames two and three, the hot spot and star are
obscured by the stellar wind moving towards the observer. The wind absorbs the emission
and creates the blue-shifted sub-continuum absorption feature (P-Cygni profile) seen in
the spectrum.
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Figure 2.3: The top 8 frames are compound images of 80 wavelength bins from TORUS datacube
centred around HU. The colour scale indicates the HU flux, the brightest emission originates from
the accretion hot-spot. The bottom subplot shows the line profile created from the datacube. The
numbers correspond to the datacube frames and indicate their contribution to the spectrum.

2.2.3 Stark broadening

Stark broadening is caused by the local electric microfield of the plasma that perturbs the
emission and absorption frequencies of the atomic energy levels. It is believed that Stark
broadening is important for modelling hydrogen Balmer lines (Muzerolle et al. 1998b,
2001). Stark broadening is incorporated into the line transfer equations using the damping
constant Γ, such that

Γ = �rad + �vdW

(
#H I

1016

) (
)

5000

)0.3
+ �stark

(
#e

1012

)b
(2.19)
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where �rad, �vdW, and �stark are the radiative, van der Waals, and Stark broadening half-
widths. #H I is the neutral hydrogen density and ) is the gas temperature in Kelvin.
For HU, the following broadening parameters were adopted from Luttermoser & Johnson
(1992) �rad = 8.2 × 10−3 Å, �vdW = 5.5 × 10−3 Å, and �stark = 1.47 × 10−2 Å. b is the
stark broadening type, Kurosawa et al. (2006) used a non-linear stark broadening, where
b = 2/3. However, according to Griem (1964) and Vernazza et al. (1973b) hydrogen
exhibits a linear Stark broadening b = 1. Therefore, in this thesis, we adopt the approach
of Luttermoser & Johnson (1992); Kurosawa et al. (2011) and Vernazza et al. (1981) and
use linear Stark broadening.

Stark broadening has a significant impact on the HU line widths at high accretion
rates and funnel flow temperatures; see § 2.4. For lines other than HU, I explored
two methods to determine the Stark Broadening coefficients. Firstly, I determined the
approximate line half-widths using the analytical solution proposed by Sutton (1978).
Secondly, I used the extended Stark broadening tables of Lemke (1997) to calculate the
half-widths of the hydrogen lines. For the infrared lines (PaW, PaV, and BrW), I concluded
that the Stark broadening had a negligible effect on the synthetic line profiles. The
dominant broadening effects come from the large velocity fields of the T Tauri model.

2.3 T Tauri model

TORUS uses an adaptive mesh refinement (AMR) system to create a numerical grid that
represents the physical space of the simulation (see Fig. 2.4). The majority of the models
presented in this work use a 2.5D coordinate system that is axisymmetric around the pole.
However, TORUS can also use a 3D geometry for non-axisymmetric models, see § 2.3.2
and Chapter 5. The 2.5D geometry is defined using a 2D density field and a 3D velocity
field. The third component is calculated symmetrically for a given azimuthal angle.

The T Tauri model populates the mesh with a star, an accretion flow, and a stellar
wind; see Fig. 2.5. The disk used in our model is assumed to be geometrically thin and
optically thick, any rays that intersect it are terminated at the disk, and �0 = 0. The density,
temperature, and velocity fields are defined as outlined in § 2.3.1 and § 2.3.1.4. The star,
located at its origin, is defined by its radius '∗, mass "∗, and effective temperature )eff .
The coarseness of the grid with dimensions # is refined so that it starts with #2 cells,
which are split so that each cell contains a mass of ≤ 1010 g. The cells are subdivided no
more than 10 times. The total size of the simulation space was set to be a 3D cylindrical
mesh with a height and radius of 400 × 1010 cm (0.27 AU).

Fig. 2.4 shows a 3D density plot of the T Tauri model. A disk is illustrated; however,
this is purely artistic and is included to indicate the position. In the simulation, the disk
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Figure 2.4: A 3D density plot of the T Tauri model, showing the density of the magnetosphere
and the stellar wind. Note, the density colour scale applies purely to the magnetosphere and stellar
wind. The accretion hot-spot highlighted in red on the surface of the star. A slice of the mesh is
shown to illustrate the AMR system.

does not have any physical height or density. The colour of the star indicates the surface
temperature, and the accretion hot-spot can be clearly seen. A slice of the AMR mesh is
also displayed, which illustrates how the AMR system creates a finer grid for the higher-
density regions of the magnetosphere and wind. Fig. 2.5 is a diagram of the model and
the physical parameters used to define the geometry of the T Tauri model.

2.3.1 Accretion funnel

Magnetospheric accretion is the theory that the material accreting from the circumstellar
disk to the star follows the magnetic field lines of the T Tauri star. The idea was first
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Figure 2.5: Diagram of the T Tauri Magnetospheric accretion model. The shaded regions indicate
the areas populated with hydrogen in the TORUS model. Not to scale.

proposed by Camenzind (1990) and Koenigl (1991), based on the mechanism developed
byGhosh et al. (1977) for accretion around neutron stars. However, observational evidence
of magnetospheric accretion was reported prior to the development of these concepts (e.g.
Bertout & Bouvier 1988). In this formalism, the magnetic field truncates the accretion
disk at some radius '<8 where the material and magnetic stresses balance each other. In
the case of an axially aligned dipole field, the accreting material is lifted from the disk
and free flows onto the star, sandwiched between two dipole field lines (see Fig. 2.5). In
this thesis, we used the geometry of the accretion flow as described by Hartmann et al.
(1994). MHD simulations predict a twisting of the magnetic field (e.g. Uzdensky et al.
2002) due to differential velocities between the star and disk; however, for simplicity, the
magnetic field in our model is purely poloidal. The accreting matter flows freely along the
field lines under gravitational acceleration. Where the accretion funnel impacts the star’s
surface, it creates a shock region known as the hot-spot.

The accretion funnel follows the magnetic dipole streamline given by

A = '0 sin2(\) (2.20)
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where '0 is the radius at the equator of the streamline that intersects the stellar surface at
colatitude \. The component of the poloidal magnetic field at radius A is

�? (A, \) = `A−3
√

4 − 3 sin2(\) (2.21)

where ` is the magnetic dipole moment. Finding the unit vector of �? and converting to
Cartesian coordinates gives the components of the accretion flow unit vector

v̂p =
1

√
4 − 3 sin2 \

(
3 sin(\)

√
1 − sin2 \x̂ + (2 − 3 sin2 \)ẑ

)
. (2.22)

The flow speed at A is calculated from the change in potential energy,

E? (A, \) =

√√√
2�"∗

(
1
'∗
− sin2 \

A

)
, (2.23)

where '∗ is the stellar radius. The velocity of the flow is vp = E?v̂p. For an accretion rate
¤"acc the density at radius A is given to be (cf. Hartmann et al. 1994)

d(A) =
¤"acc

4c(1/'<8 − 1/'<>)
A−5/2
√

2�"∗

√
4 − 3 sin2 \
√

1 − sin2 \
(2.24)

The velocity and density profiles can be seen in Fig. 2.6. In the figure, the density,
velocity, and temperature (see § 2.3.1.2) are plotted for four field lines following the form
of equation 2.20. The lines are a little uneven at lower radii because the values are lifted
directly from the mesh without interpolation. The density is initially high, but as the
material accelerates, the density rapidly decreases and then it begins to increase again as
the field lines constrict the flow.

2.3.1.1 Accretion shock hot-spot

The hot-spot temperature )hs is calculated from the potential energy liberated by the
accreting material. The surface of the star is divided into a grid, each with its own SED,
for which a Kurucz (1979) model atmosphere is used (see § 2.3.1.3). If a source grid
cell coincides with the accretion funnel, the mass flux is determined from the AMR cells
directly adjacent. The mass flux ¤"cell, accretion velocity E, and the cell area �cell can be
used to determine the cell temperature,

)hs =

[
E2 ¤"cell
2f�cell

] 1
4

, (2.25)
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Figure 2.6: The three panels show the magnetospheric temperature (top), density (middle), and
velocity (bottom) along four dipole field lines. The data is extracted from a TORUS mesh with a
maximum accretion temperature of 7500 K and an accretion rate of log ¤"acc = −7. The wobbles
in the lines are artefacts of the numerical grid.

here f is the Stefan–Boltzmann constant. The temperature is used to determine a black-
body SED, which is added to the photospheric SED. For example, in the instance of a
star with a mass of 0.5 M�, a radius of 2 R�, and with accreting material falling from a
distance of 3 '∗ to the stellar surface intersecting at angle of 55◦ with accretion rates of
¤"acc = 10−7, 10−8, and 10−9 M�yr−1, the hotspot temperatures will be )hs ≈ 6780, 3810,
and 2140 K, respectively.

By using a blackbody, it is assumed that the line emission and absorption from the
hot spot-are negligible. The model assumes that the energy radiated away from the shock
zone is quickly reabsorbed in the optically thick accretion gas and re-emitted at longer
wavelengths, as characterised by Calvet & Gullbring (1998). The accretion regions are
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also expected to have line emission (e.g. Dodin 2018) that will contribute to the observed
spectra; however, we neglect this due to the lack of available models. A complete radiative
equilibrium treatment of the shock region andmagnetosphere is necessary to fully constrain
this effect.

2.3.1.2 Accretion temperature

The synthetic emission lines are very sensitive to the temperature distribution in the ac-
cretion funnel. However, the magnetospheric heating mechanisms are poorly understood,
although it is assumed that they are magnetically driven; for instance, by the dissipation
of Alfvén waves. The self-consistent thermal model produced by Martin (1996) used
adiabatic compression to heat the accretion columns. However, Muzerolle et al. (1998b)
showed that the model could not produce line profiles consistent with observations. Thus,
the temperature is provided as an input parameter and the code does not solve for radiative
equilibrium.

The temperature profiles adopted for this work are based on those used by Hartmann
et al. (1994), who created a temperature structure using a volumetric heating rate ∝ A−3.
The dissipation of Alfvén waves from inhomogeneous accretion could, for example, cause
this heating rate. A schematic radiative cooling rate is used to balance the heating. The
temperature structure used in our models is interpolated and scaled from the values given
in fig. 6 of Hartmann et al. (1994). More details on heating and cooling rates can be found
in Hartmann et al. (1982). The profiles are scaled by an input parameter of the maximum
temperature in the accretion flow )acc. A temperature profile from a TORUS model with
)acc = 7500 K is shown in Fig. 2.6. As gas falls towards the star from the disk, the
temperature rapidly increases as the density decreases and then begins to get cooler as the
field lines constrict and the density increases. The temperature drops near the disk and the
star because the increase in density enhances the radiative cooling.

Without a self-consistent model of the accretion heating mechanism, the model
can only be indicative of the temperature distribution. Muzerolle et al. (2001) further
constrained these models by determining the range of)acc that creates realistic line profiles
for different accretion rates. Furthermore, in the words of L. Hartmann,

“our approach is merited if the adoption of a smooth, plausible temperature distri-
bution results in line profiles which agree with observations” (Hartmann et al. 1994)

2.3.1.3 Photospheric continuum

The photospheric continuum radiation from the star is calculated by interpolating the
model atmospheres of Kurucz (1979). The Kurucz (1979) model atmospheres are com-
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puted for a broad range of effective temperatures and stellar gravities, from a statistical
distribution of nearly a million atomic lines. TORUS interpolates between the nearest
models to determine an atmosphere that fits the input stellar parameters. Fig. 2.7 shows
seven different models for a temperature range of 3500 – 6000 K and surface gravity of
log (6∗/cms−2) = 3.5 which is close to the fiducial stellar gravity used in our models of
log (6/cms−2) = 3.53. The locations of the primary hydrogen lines (HU, PaV, PaW, and
BrW) studied in this work are highlighted by the grey bars. The effective temperature of
the fiducial star is 4000 K (see Chapter 4.1), at this temperature there is no significant con-
tinuum absorption or emission near the HU, PaV, PaW, and BrW hydrogen lines. However,
at temperatures of 5000 K and above, there begins to be significant absorption present for
the HU, PaV, PaW, and BrW transitions.

It is assumed that radiation from the high-temperature )hs shock region created by
the magnetosphere is absorbed and re-emitted by the cooler surrounding gas. As such, the
hot-spot emission is treated simply as an addition to the continuum emission. See § 2.3.1
for a further discussion of the shock region. The continuum emission at a frequency a from
the hot-spot is calculated as the sum of the Kurucz model atmosphere and the blackbody
spectral radiance �a,hs given by

�a,hs (a, )hs) =
2ℎa3

22
1

e
ℎa
:B)hs − 1

, (2.26)

here, the terms have their usual meanings.

2.3.1.4 Stellar wind

We implemented a new stellar wind in TORUS that builds on the work by Kurosawa et al.
(2011). Their model used a radial stellar wind launched from a spherical cap above the
stellar surface so that a large opening angle could be achieved without interacting with the
accretion funnel. However, the densest and radiatively significant part of the stellar wind
should be closest to the star. The new wind geometry presented in this thesis, launches
the outflow from the stellar surface, specifically, from the polar regions at latitudes higher
than the accretion hot-spot. The wind and the accretion funnel do not intersect because
the wind follows the dipole magnetic field lines until it reaches a specified opening angle
ΘBF, at which point the wind becomes radial (see Fig. 2.5). The parameterisation of ΘBF
automatically determines the radius 'F> where the wind transitions from following the
dipole lines to becoming radial. This geometry approximates the wind behaviour observed
in MHD simulations (e.g. Zanni & Ferreira 2009; Kurosawa & Romanova 2012; Ireland
et al. 2021). Similarly to previous studies (e.g. Kurosawa et al. 2006, 2011), the wind is
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Figure 2.7: Kurucz (1979) model atmospheres for a surface gravity of log (6∗/cms−2) = 3.5 and
seven different temperatures close to fiducial effective temperature used in Chapter 4. The vertical
grey bars indicate the position of the four hydrogen lines (HU, PaW, PaV, and BrW) studied in
Chapter 3 and Chapter 4.

assumed to be isothermal and uses a V-law velocity profile.

2.3.1.4.1 Wind density

The density of the stellarwind is determined from thewindmass-loss rate ¤"BF, a parameter
set at run time. The density of the wind dBF is proportional to ¤"BF/(EBF,A�(A)) where
�(A) is the surface at radius A through which the wind is moving with a radial velocity
of EBF,A . The area through which the wind is moving at a radius A depends on if the
wind is moving with the magnetic field or flowing radially from the star. In the range
'∗ < A ≤ 'F>, the wind is assumed to be contained within a diverging flux tube. The
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field strength of a magnetic dipole diverges at a rate of 1/A3. Accordingly, the density is
given by,

dBF (A) =
1
2
¤"sw

EBF,A�∗

(
'∗
A

)3
(2.27)

where �∗ is the surface area of the star from which the wind is launched. For radii greater
than 'F>, the surface area �(A) increases as a spherical cap (radial flow) with increasing
radius. Hence,

�(A) = 2cA2(1 − cosΘopen) (2.28)

and so the density decrease is given by,

dBF (A) =
1
2
¤"BF

EBF,A�F>

(
'F>

A

)2
. (2.29)

Here, �F> is the area of the spherical cap with radius 'F>. The value 'F> is the radius at
which the wind velocity becomes radial such that

'F> = U('<> + X) sin2Θopen. (2.30)

The terms X and U are input parameters that allow the wind coupling region to be adjusted.
By default, these values are set to zero and unity, respectively. It should be noted, that
while value 'F> is analogous to the Alfvén radius, 'F> is set solely by the geometry of
the wind and magnetosphere and it is not based on the physical parameters of the Alfvén
radius.

2.3.1.4.2 Wind velocity

The wind velocity EBF is composed of two components: the poloidal velocity Epol and
the toroidal velocity Etor. The most commonly used parameterization of poloidal wind
velocity is the so-called V-law (cf. Castor & Lamers 1979). The V-law gives the magnitude
of the poloidal component of the stellar wind velocity at a radius A to be

Epol(A) = Emin + (Emax − Emin)
(
1 − '∗

A

) V
(2.31)

where Emin and Emax are the starting and end velocities of the wind. The free parameter V
determines the steepness or acceleration of the wind. To obtain a physical grounding for
the wind velocity, we used an MHD radial wind velocity profile (L. G. Ireland, personal
communication, 5 March 2020), from Ireland et al. (2021) to fit equation 2.31. The
MHD model had parameters similar to those of the fiducial radiative transfer model
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with a truncation radius '<8 = 2.41 R�. A least-squares regression fit was used to fit
equation 2.31 to the MHD velocity profile. The lower bound of Emin = 1 kms−1 was
forced to match the launch velocity of the MHD wind. The fit was made using the
Python module scipy.optimize.curve_fit. This determined that a value of V = 2.98
best suited the MHD velocity profile. In comparison, Kurosawa et al. (2011) used a value
of V = 0.5 for their wind models.

Fig. 2.8 shows the MHD velocity profile and the best fit. The fitted line closely
resembles theMHDmodel velocity, which suggests that, although, the V-law is a relatively
simple approach, it is an appropriate approximation for our model. The figure shows the
difference in velocity and density profiles for V = 0.5 and V = 2.89. The higher V value
produces a wind that accelerates slower, which creates a denser wind closer to the stellar
surface. This dense wind close to the stellar surface will allow for greater absorption of
the star’s continuum and hot-spot emission.

The toroidal velocity component is derived from the star’s rotation rate at the
colatitude of wind launch. It assumes that the wind and magnetic field are perfectly
coupled, and that the wind corotates as a rigid body with the star out to the wind corotation
radius 'F>. Beyond this, the wind conserves the angular momentum and the toroidal
component of the velocity decreases proportionally to 1/A.

Fig. 2.9 shows the wind’s poloidal, toroidal, and total velocity components along
with the total velocity magnitude. The components shown here are for a star with a mass
of 0.5 M� and a radius of 2 R� with an equatorial rotation rate of 40.2 kms−1, which
is approximately 15% of the stars breakup velocity. Additionally, Fig. 2.9 shows three
images that display the wind velocity for x-y positions around the star. The star is located
in the top left of each frame and the individual frames show the poloidal, toroidal, and
magnitude of the velocity. The colour displays the wind velocity around the star assuming
there is no magnetosphere. It can be seen that the poloidal component dominates the wind
velocity magnitude apart from at radii close to the star. Even then, the largest toroidal
effect is seen at high colatitude, an area that is mostly filled by the magnetosphere. The
toroidal velocity has a more significant effect once the rotation rate is upped to ≈ 50%
of the break up velocity. Rotation and the effect it has on the synthetic line profiles are
discussed further in Chapter 4.

2.3.2 3D geometry

The T Tauri model presented in § 2.3 can also be extended to full 3D simulations in
TORUS . This enables us to create synthetic spectra from non-axisymmetric models. For
example, this is useful for modelling a magnetosphere that does not fully extend around
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Figure 2.8: The top panel shows the fit of the velocity V-law, equation 2.31 and a wind velocity
profile from an MHD simulation. A value of V = 2.89 was determined to be good match using
a least-squares regression fit. The lower two panels shows the difference in velocity and density
between beta values of V = 2.89 and V = 0.5, the latter being the value adopted by Kurosawa et al.
(2011).

the star. This is a potentially likely scenario because the magnetic fields of T Tauri stars
are rarely aligned with their poles (e.g. McGinnis et al. 2020). In the case of the magnetic
dipole being offset from the rotation axis, the accreting matter will preferentially flow in
half of each alternate hemisphere (e.g. Long et al. 2011). Moreover, the axisymmetric
MHD simulations of Ireland et al. (2021) show that the magnetospheric flow tends to
prefer one hemisphere and may change as permutations of the magnetic field develop. The
dominance of accretion in one hemisphere in an axisymmetric MHD model can be seen
in Fig. 1.2.

The TTauri model is extended to 3D inTORUS by building the density, temperature,
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Figure 2.9: The lower frame shows the poloidal velocity, the toroidal velocity, and the velocity
magnitude of the stellar wind. The rotation rate is 15% of the stars breakup velocity. The upper
three panels display the wind velocity components as a 2D heat map. The star is located in the
upper left corner.

and velocity fields in a 3D AMR mesh using the prescription laid out in § 2.3.1 and
§ 2.3.1.4. The complexity arises if a magnetic dipole offset is required. When the axis
of the magnetic dipole is offset from the rotation axis (z-axis), the magnetosphere and the
wind must similarly be rotated. Fig. 2.10 shows a slice of a 3D Cartesian T Tauri model
from TORUS with a 10◦ dipole offset as indicated by the inclined black line. By default,
when the magnetic dipole offset is greater than zero, the magnetosphere is limited to two
opposing half-hemispheric accretion funnels; one in either hemisphere. The positions
of the accretion funnels are chosen to minimise the distance from the disk to the star;
see Fig. 2.10. The width of the two accretion funnels can be set as an input parameter.
Previous iterations of TORUS have been used to model similar setups (e.g. Esau et al.
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Figure 2.10: A slice of a 3D TORUS mesh where the magnetic dipole axis (inclined black line)
has be rotated around the y-axis by 10◦. The colour map denotes the density of the wind and
magnetosphere. The arrows show the model velocity vector field.

2014; Symington et al. 2005a). However, these studies did not use the new implementation
of radiative transfer described in § 2.2 or include a stellar wind.

The new stellar wind model in TORUS (see § 2.3.1.4) can also be used in a non-
axisymmetric 3D model. The initial stage of the wind follows the magnetic field, which is
rotated to match the magnetic dipole offset. After which, the wind becomes radial relative
to the rotation axis. The wind flows along the field lines until it reaches the opening
angle Θopen; which is relative to the rotation rather than to the dipole axis. If an offset is
applied, the magnetic dipole rotates around the y-axis by an angle b. The disk remains
fixed, therefore the length of the field lines is changed and the path of the wind must be
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altered. The wind opening radius equation 2.30 is re-defined as,

'F> = U'max sin2Θopen. (2.32)

The term 'max is the radius at which the outermost magnetic streamline intersects the disk,
given by,

'max =
'<> + X
sin2 \′0

. (2.33)

Where \′0 is the angle at which the field line intersects the disk in the rotated frame of
reference. If \0 = c/2 then,

sin2 \′0 =
1(

1 + tan2 b cos2 q′
) (2.34)

here q′ is the azimuthal angle in the rotated frame of reference. The input parameters
U and X can be set to increase 'F> and the gap between the wind and magnetosphere,
respectively.

The poloidal velocity vector field is shown in Fig. 2.10 overlaying a density map of
the magnetosphere and wind. The mass-loss rate used in this simulation is 10−8M�yr−1

and an accretion rate of 10−7M�yr−1. The change from dipolar to radial velocity at 'F>
can be seen. Assuming the wind and magnetic field are perfectly coupled, it is reasonable
to assume that there would be minimal movement of the wind perpendicular to the field
lines. The adaptive mesh refinement works as described in § 2.3 and a slice of the mesh
can be seen in the figure.

2.4 Model validation

To validate the new radiative transfer routines implemented, I ran two separate model
grids. The first contained only a magnetosphere and no outflow. The second included
our new stellar wind model. The results were compared with previous radiative transfer
simulations from literature. I was able to show that the new routines implemented in
TORUS performed as expected and produced line profiles with morphologies, widths, and
intensities similar to those seen in the literature. The results of the code validation are
discussed below.

2.4.1 Magnetospheric accretion only

WeusedTORUS to reproduce the simpleHUmagnetospheric onlymodel presented in fig. 3
of Kurosawa et al. (2006). The model used in fig. 3 of Kurosawa et al. (2006) is identical
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Figure 2.11: A comparison of synthetic HU line profiles produced by Kurosawa et al. (2006)
(black lines) and TORUS . The models have magnetospheric accretion only and no form of
mass outflows. Profiles arrange by accretion rate (columns) in values of M�yr−1 and accretion
maximum temperature (rows) for a viewing colatitude of 55◦. Two different Stark broadening
parameterisations are used by TORUS ; linear (blue dot-dashed) and nonlinear (pink dashed) Stark
broadening. Line strength increases with temperature and accretion rate, top-right to bottom-left.

to the setup described in § 2.3.1, and no outflows are included. The models were run
with three different accretion rates of 10−7, 10−8, 10−9 M�yr−1, four accretion maximum
temperatures of 6500, 7500, 8500, 9500 K, and computed at an inclination of 55◦. The
model used a stellar mass of 0.5 M�, a stellar radius of 2 R�, and a magnetosphere
stretching from '<8 = 2.2 '∗ to '<> = 3 '∗. All other parameters are identical to
those presented in Table 4.1. The only difference is that Kurosawa et al. (2006) used a
nonlinear Stark broadening coefficient. Our TORUS model was run with both linear and
nonlinear Stark broadening. In other words, the same fundamental physics is used by both
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Kurosawa et al. (2006) and TORUS . This comparison therefore highlights the influence
of the upgrades to TORUS discussed in § 2.2.

A comparison of the results produced by Kurosawa et al. (2006) and TORUS can be
seen in Fig. 2.11. In the figure, it can be seen that the majority of the spectra share similar
widths, shapes, and intensities. In general, the HU lines produced by TORUS are slightly
broader, with peak intensities higher than those presented by Kurosawa et al. (2006). At
higher temperatures and accretion rates, the non-linear Stark broadening produces spectra
with marginally higher intensities at the line centre.

The general line profile trends shown by Kurosawa et al. (2006) are reflected by our
TORUS models. The line strength and width increase with the accretion temperature and
rates. The strongest lines for a given temperature are seen for the highest accretion rates
log ¤"acc = −7. An exception to this trend is seen in Fig. 2.11 for the line profile produced
with an accretion rate of log ¤"acc = −8 and )acc = 9500 K. The line profile has a greater
relative peak flux than the profile produced with an accretion rate of log ¤"acc = −7. This
is because the continuum level from the hotspot is increased by the greater accretion rate,
reducing the peak flux relative to the continuum. We see, in Fig. 2.11, that the width of
the profiles increases with the rate and temperature of the accretion; it is unaffected by the
continuum level.

2.4.2 Magnetosphere and stellar wind

The above comparisons did not include any outflows. Therefore, to assess our stellar
wind geometry (§ 2.3.1.4), we ran an additional test to compare our model with the stellar
wind geometry used by Kurosawa et al. (2011). The results are shown in Fig. 2.12.
TORUS was used to run two models with identical stellar and magnetospheric parameters
as those defined for fig. 10 of Kurosawa et al. (2011). Namely "∗ = 0.5 M�, '∗2 R�,
'<8 = 2.2 '∗ and '<> = 3 '∗, all other stellar and magnetospheric parameters are
as described in Table 4.1. The first models had an identical wind as Kurosawa et al.
(2011); the wind launched from 3R∗ above the star’s surface. The second model used
our wind geometry with the outflow being launched from the star’s surface. We adopted
the same outflow parameters of )BF = 8000 K, )acc = 7500 K, ¤"BF = 10−8 M�yr−1,
¤"acc = 10−7 M�yr−1, Emin = 10 kms−1, Emax = 400 kms−1, and Θopen = 50◦. The second
model also used a value of V = 1.6 rather than V = 0.5 as this more closely replicated the
wind acceleration and velocity of Kurosawa et al. (2011) at radii greater than 3 R∗.

The differences in the line profiles produced by the two wind models are modest and
comparable in magnitude to the variations seen in Fig. 2.11. For HU at low colatitude, the
lines produced by our stellar wind model were broader at the peak by ≈ 20 kms−1. For
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Figure 2.12: Three differentmodels are shown here. A stellarwindmodel replicating thewind used
by Kurosawa et al. (2011) and the newmodel developed in TORUS , see § 2.3.1.4. Additionally, the
black dotted line is a magnetospheric only model is shown as. The rows are viewing inclinations
and the columns show two different hydrogen lines.

high colatitudes, the lines were slightly narrower and exhibited small-scale blue-shifted
absorption features not seen in the Kurosawa et al. (2011) wind model. For the infrared
lines, at inclinations of 20◦ and 50◦, the wind that extended to the star’s surface produced
lines that were narrower and had a lower peak flux. Because the infrared lines are more
optically thin, it is expected that they will be more sensitive to regions of denser gas. This
effect can be seen in Fig. 2.11 where our wind model, which has denser regions of gas than
the model of Kurosawa et al. (2011), produces deeper blue-shifted absorption features.
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Summary

This chapter presented the radiative transfer code TORUS and the analytical T Tauri model
used to create synthetic hydrogen spectra in Chapter 4. The statistical equilibrium and
line profile routines of TORUS had been previously significantly updated but not verified.
I further refined the code by removing bugs and enabling it to work on the available
high-performance computing systems. Furthermore, I developed and tested a new polar
stellar wind model framework applicable to axisymmetric and non-axisymmetric T Tauri
simulations and expanded the Stark and turbulent broadening routines. This chapter
showed that the upgrades to the physics and the acceleratedMonte Carlo routines produced
results congruent with previous studies. In the next chapter, we present a set of T Tauri
observations and their line profiles, which are compared to synthetic line profiles from
TORUS in Chapter 4.
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Chapter 3

Observations

The size of the accreting region around T Tauri stars is on the order of a few stellar
radii, too small to be directly resolved by current ground and space-based observatories.
For example, ESO’s Very Large Telescope Interferometer has a maximum resolution of
≈ 4 mas (milli-arcsecond), which at 150 pc, equates to the smallest discernible length
scale of 0.6 AU or 130 R�. However, the technique of spectro-interferometry can be used
to directly probe the gas kinematics to scales of a few stellar radii (e.g. Bouvier et al. 2020;
Gravity Collaboration et al. 2020; Kraus et al. 2008). Nevertheless, spectro-interferometry
is a complicated and modern process that requires highly sophisticated instrumentation
and complex post-processing. Another more straightforward method for studying the
accretion and outflow mechanisms of T Tauri stars is spectral analysis. Spectrometry has
the advantage that T Tauri spectra are comparatively easy to observe, and an abundance
of data is already available in archives.

Classical T Tauri stars are characterised by their hydrogen emission lines; see
Chapter 1. Previous studies of hydrogen emission from T Tauri stars have predominantly
focused on either the optical lines of HU and the Balmer series or the near-infrared lines
of the Paschen and Brackett series. In this chapter, I examine the spectra of 29 T Tauri
stars and compare the hydrogen lines of HU, PaW, PaV, and BrW. T Tauri stars are variable
(e.g. Herbst et al. 2002; Rucinski et al. 2008) and their hydrogen lines can dramatically
change over short periods. Therefore, when different spectra are compared, they must be
observed simultaneously to avoid temporal divergence. I used spectra observed using the
X-Shooter spectrometer (see § 3.1), which allows us to study both optical and infrared
hydrogen lines from a single exposure.

A characteristic of T Tauri stars is their strong HU emission (Joy 1945). HU is
normally the brightest of atomic emission lines from T Tauri stars and is considered an
important probe of the circumstellar gas around the young stars (Reipurth et al. 1996).



3.1. X-SHOOTER INSTRUMENT

It is an optical emission line caused by the hydrogen electron transition from 3 – 2 with
a wavelength of 6565 Å (vacuum). The HU emission from T Tauri stars has been well
studied, for example, Hartmann (1982); Edwards et al. (1994); Reipurth et al. (1996);
Muzerolle et al. (1998a); Alencar & Basri (2000).

I also examine the near-infrared lines of PaV, PaW, and BrW. These lines are caused
by the atomic transitions of PaV 5 – 3, PaW 6 – 3, and BrW 7 – 4. The transitions have
vacuum wavelengths of 12821.6, 10941.1, and 21661.2 Å, respectively. These lines are
generally optically thinner than HU and originate from denser regions of the hydrogen
cloud and should be better tracers of the accretion than outflows because the winds are
expected to have lower densities. Observations of these lines rarely show blue-shifted
sub-continuum absorption, (e.g. Folha & Emerson 2001; Edwards et al. 2006, 2013).
For instance, a study by Antoniucci et al. (2011) showed that the relationship between
BrW luminosity and the accretion rate was more reliable than HU because there is less
dispersion in BrW luminosity when plotted as a function of stellar luminosity.

This chapter is structured as follows; I initially introduce the X-Shooter instrument
§ 3.1 and discuss the data reduction methods used in § 3.2. I then present the reduced
hydrogen line profiles in § 3.3 and briefly discuss the general trends seen in the spectra.

3.1 X-Shooter instrument

X-Shooter is a second generation spectrograph fitted to Unit Telescope 2 of the Very Large
Telescope (VLT) (Vernet et al. 2011). The instrument sits at the Cassegrain focus and has
three independent cross-dispersed echelle spectrographs. Each spectroscopic arm contains
its own detector, optimised optics, and dispersive elements. The three spectrographs can
be used simultaneously to observe a wide wavelength range of 300 − 2480 nm. The
three spectrographs have the following wavelength bands: UVB, 300 − 559.5 nm; VIS,
559.5 − 1024 nm; and NIR, 1024 − 2480 nm. The corresponding minimum slit widths
are 0.5, 0.4, and 0.4 mas, respectively. For X-Shooter using the minimum slit widths, the
spectral resolution of each arm is UVB, 9700; VIS, 18400; and NIR, 11600. The spectral
resolution is defined as ' = _/Δ_, where Δ_ is the smallest difference in wavelengths that
can be distinguished at a wavelength _.

The principle of an echelle spectrograph is that it disperses the light into two
orthogonal directions by using two dispersive elements. These elements may be prisms,
gratings, or a combination of both. The general diffraction limited resolution ' of a
spectrograph using a grating is

' =
,=

3
. (3.1)

51



CHAPTER 3. OBSERVATIONS

0 600 1200 1800
Pixel #

0

300

600

900

Pi
xe

l #

Figure 3.1: The unreduced image produced by the NIR echelle spectrograph of X-Shooter. The
spectrum is dispersed in two orthogonal directions and darker regions indicate areas of greater
intensity. The spectra is for Ass Cha T 2-23.

Here, , is the width of the grating, 3 is the grating groove spacing, and = is the diffrac-
tion order. Increasing , or decreasing 3 is limited by manufacturing technology and
cost; accordingly, the easiest way to increase the resolution is by increasing =. Echelle
spectrographs use an optimised grating to concentrate the energy in the higher orders.
However, the free spectral range is reduced ∝ =−1, resulting in multiple orders overlap-
ping. Therefore, a second dispersive element is used to sort the orders orthogonally to
the original diffraction. This is especially useful for broadband or high-resolution spectral
imaging because the otherwise wide spectra are “stacked” making full use of conventional
2D detectors. Fig. 3.1 shows an unreduced image from X-Shooter’s NIR detector or the
Charge Coupled Device (CCD). Each stripe or arc is a different but overlapping section
of the full wavelength range (1024 − 2480 nm). In the figure, the narrow curved bands
are the stellar spectra, and darker regions indicate areas of high intensity. Atmospheric
spectral contamination is seen as dark lines perpendicular to the arcs.

3.2 X-Shooter data

I selected 29 T Tauri stars from the ESO programme 084.C-1095(A) observed on 2010
January 18, 19, and 20 (PI G. Herczeg, seeManara et al. 2016, Rugel et al. 2018, Schneider
et al. 2018, and Liu et al. 2016). The observed targets were selected to have a broad range
of accretion rates of four orders of magnitude; a complete list can be found in Table 3.1.
The observations were made using X-Shooter (Vernet et al. 2011), see § 3.1. The spectra
were obtained by nodding the telescope parallel to the slit to remove the sky background
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from the images. A slit width of 0.4′′ was used for all stars except DG Tau, which used a
width of 1.2′′.

Raw CCD images from the spectrograph (e.g. Fig. 3.1) were available in the archive
already reduced using the ESOX-Shooter pipeline version v1.3.2 (Modigliani et al. 2010).
The reduction used for these data followed a standard scheme of:

• Bias and dark frame subtraction.

• Flat-fielding, to normalise the response of the CCD pixels and correct for instrument-
induced structures. This is done by using a dedicated halogen lamp (with appropriate
balancing filters) for each spectrograph.

• Wavelength calibration, using Ar, Hg, Ne, and Xe Penray lamps.

• Background removal and spectra extraction.

• Flux calibration, using the standard spectrophotometric star GD-71 (Manara et al. 2016).

I further reduced the X-Shooter spectra by correcting for telluric contamination § 3.2.1
and extracting and fitting hydrogen lines § 3.2.2.

3.2.1 Telluric corrections

Ground based telescopes, such as VLT, observe through the Earth’s atmosphere, the
constituentmolecules of which absorb or emit radiation that contaminates the astronomical
spectra. These atmospheric features are called telluric lines and they are primarily a
problem in the near-infrared regions of the spectrum (Fischer et al. 2016). Water vapour
in the troposphere and stratosphere produces the greatest effect, however, molecules of
carbon dioxide (CO2), methane (CH4), nitrous oxide (N2O), and ozone (O3) also produce
significant telluric features. Due to the nature of the variable weather conditions and
molecular abundances, the telluric features are unpredictable. Traditionally, to remove
telluric features, science spectra are divided by the spectra of a photometric standard star
observed as close as possible in time and airmass to the target. However, the observation
of this calibration data is expensive and requires a standard star to be visible at a similar
time and airmass as the target. A more recent method for removing telluric features is
to use synthetic transmission spectra created using a radiative transfer code, based on
atmospheric conditions at the time of observation. This is the method that was used in
this chapter. To remove telluric contamination, I employed the Molecfit code from ESO
(Smette et al. 2015; Kausch et al. 2015).

Fig. 3.2 is an example of the raw and telluric corrected spectra from X-Shooter. The
spectra of all threeX-Shooter arms are plotted, showing the full observedwavelength range.
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Table 3.1: The 29 T Tauri stars used in this work. Here, the notes “B” or “T” denote that the star
is listed in the literature as a binary or triple system respectively; a value of the angular separation
is given where available. The complete SIMBAD name for Stars named T-# are Ass-Cha-T-2-#.
The values and notes are adopted from: 1 Manara et al. (2016), 2 Schneider et al. (2018), 3 Manara
et al. (2014), 4 McGinnis et al. (2015), and 5 Rugel et al. (2018).

Name Type )eff �+ Mass log ¤" Notes Ref.[K] [mag] [ M�] [ M�yr−1]
ESO-Ha-562 M0.5+M0.5 3705 3.4 0.66 -9.3 B 0.28" 1
IQ-Tau M0.5 3850 1.7 0.99 -8.2 1
V354-Mon K4 4900 ∼ 1.4 -8 2
T-33 K0 5110 2.7 0.95 -8.7 T 2.4" 1
T-11 K2 4900 0.8 1.32 8.3 B 3
VW-Cha K7+M0 4060 1.9 1.24 -7.9 B 0.66" 1
V409-Tau K5 4350 0.51 1.22 -7.8 3
CR-Cha K0 5110 1.3 1.78 -8.7 1
T-52 K0 5110 1.0 1.4 -7.4 B 11.6" 1
T-38 M0.5 3780 1.9 0.71 -9.4 1
KV-Mon K4 ∼ ∼ 1.31 ∼ 4
Sz-22 K5 4350 3.2 1.09 -8.4 T 17.6" 1
T-4 K7 4060 0.5 1.03 -9.5 1
DG-Tau K5 4350 2.2 1.4 -7.7 1
T-23 M4.5 3200 1.7 0.33 -8.3 1
RECX-12 M3 3410 ∼ 0.29 -9.8 5
Cha-Ha-6 M6.5 2935 0.1 0.1 -10.3 1
T-12 M4.5 3200 0.8 0.23 -8.8 1
CT-Cha-A K5. 4350 2.4 1.4 -6.9 1
ESO-HA 442 M2 ∼ ∼ 0.36 ∼ 4
CHX18N K2 4900 0.8 1.17 -8.1 1
TW-Cha K7. 4060 0.8 1 -9 B 1
RECX-6 M3 3415 ∼ 0.15 -11 5
T-49 M3.5 3340 1.0 0.36 -7.6 B 24.4" 1
T-35 K7 4060 2.9 0.96 -8.9 3
T-45a K7 4060 1.1 0.97 -9.9 B 28.3" 1
RECX-9 M4.5 3085 ∼ 0.15 -10.4 5
T-24 M0 3850 1.5 0.91 -8.7 1
Hn-5 M5 3125 0.0 0.16 -9.3 1

Note. ESO-HA 442 is also known as CID-0223980048.

The pink-shaded areas indicate the position of the four hydrogen lines HU, PaV, PaW, and
BrW. The areas of the spectra most affected by telluric features are 9000–10000, 11000–
12300, 13000–15000, 17000–21000, and > 23000 Å. In particular, PaV (12821.6 Å) and
PaW (10941.1 Å) are at the edges of these regions. Telluric contamination introduces
significant noise and distorts the continuum. Molecfit applied minimal corrections in
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the regions of HU and BrW because they lie in portions of the spectra that are relatively
free of telluric features, as can be seen in Fig. 3.2.
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Figure 3.2: The raw and telluric feature corrected X-Shooter spectra. The pink shaded bars show
the region of the four hydrogen lines extracted from the spectra. From left to right, these are HU,
PaW, PaV, and BrW.

3.2.2 Continuum and Gaussian fitting

Once the telluric corrections had been applied, the regions of the hydrogen transitions
(_0 ± 60 Å) of interested were extracted from the full spectra. The line profiles were
then further reduced by fitting the nearby continuum and creating a Gaussian fit to the
profiles. The continuum fit is used to normalise the continuum to unity and remove any
continuum features. Gaussian rather than spline fits were used for the emission profile to
avoid problems with noise and to conform to standard data reduction methods.
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The profiles were normalised by fitting a third-order polynomial to the nearby
continuum. A demonstration of the continuum fit can be seen in the top panel of Fig. 3.3.
The grey areas of the figure indicate the regions that were excluded from the fitting routine.
An interactive Python routine was programmed so that up to three separate areas could
be selected (by clicking on the figure) to fit the continuum; this allowed line features to be
excluded from the fit.

For the line profile fit, up to fourGaussianswere used. Amaximumof twoGaussians
were used to fit the main emission feature, while a further two were used to fit the sub-
continuum absorption. The fitting was done using the astropy.modeling module. The
middle panel of Fig. 3.3 shows an example Gaussian fit and the central region (white) to
which the Gaussian curves were fitted. Up to two such regions could be specified during
the process to avoid fitting the Gaussians to spectral contaminates. The routine prioritised
reproducing the line width and relative peak intensity.

The Gaussian fit was then used to determine several characteristics of the line
profile. These were: full width at half maximum (FWHM), half width at 10% maximum
(HW10%), equivalent width (,_), relative peak intensity, and the position of the line peak.
Fig. 3.3 gives an example of the FWHM, HW10% and ,_. The equivalent width is the
width of a rectangle with a height from the continuum to zero that has an area equal to the
integrated spectral line. Absorption lines are taken to have positive equivalent widths and
emission as negative. In Fig. 3.3, the equivalent width is denoted by a vertical blue hashed
bar (the full height is not shown), the area of which is equal to the blue hashed area under
the line profile. The plotted bar has a width of 37.8 kms−1, however, traditionally the
equivalent width is given in the units of wavelength, and hence it is shown as,_ = −2.7Å.

3.3 Presentation of hydrogen spectra

The extracted and reduced hydrogen spectra from X-Shooter can be seen in Fig. 3.5. The
figure shows the normalised line profiles for the target stars arranged in order of HU peak
intensity. Each column displays the spectra for the individual objects listed in Table 3.1 at
four different wavelengths: HU, PaV, PaW, and BrW.

Veiling is the ratio of excess flux to photospheric flux. The excess flux from the
accretion and shock zones changes the measured equivalent widths of the optical and
infrared lines (Folha & Emerson 1999). The excess emission increases the continuum
level and because the continuum level is used to normalise the line profiles, a higher
continuum level will result in weaker relative emission and absorption. The scattering of
light by the interstellar medium (ISM) is known as ISM extinction. The ISM extinction
has a greater effect on shorter wavelengths, leading to a reddening of the observed spectra;
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Figure 3.3: A diagram showing the continuum fit (top) to an observed profile, the Gaussian fit
(middle) and extracted profile characteristics (bottom). Greyed areas in the top and middle panels
indicate sections not used for fitting. The vertical blue hashed bar in the bottom panel indicates
the equivalent width, for the purpose of clarity the full height is not shown and the bar is shifted
up vertically.

the ratio of long to short-wavelength emission is increased by the extinction. The ISM
extinction will influence the observed spectra fluxes. The star’s Cardelli et al. (1989)
extinction law reddening corrections are given in Table 3.1. However, the effects of
veiling and extinction are not addressed in this thesis. Instead, the focus is on the line
morphology and width; characteristics independent of veiling and extinction.

The strengths of the HU and infrared lines do not correlate well, as can be seen
in Fig. 3.4. The figure shows the Spearmans’s rank correlation matrix of the equivalent
width’s between the different transitions; values close to unity suggest a good correlation.
The different infrared lines correlate strongly with each other, but poorly with HU. How-
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Figure 3.4: The correlation matrix between the equivalent widths of the different hydrogen
transitions. The values are the Spearman’s rank correlation coefficient, values close to unity
suggest a strong correlation.

ever, the disparity seen in Fig. 3.5 cannot be accurately quantified because the effects of
veiling and extinction have not been accounted for. Some stars with strong HU emission,
e.g. Cha Ha 6, CID 0223980048 (ESO-HA 442), and Ass Cha T 2-33 have negligible
emission in the Paschen and Brackett lines. The lack of BrW lines in some spectra, while
the PaV and PaW are in emission, indicates that for these stars the population of level seven
is negligible compared to the populations of five and six. Using the Boltzmann and Saha
equations, we can calculate the hydrogen temperature at which the fraction in state seven is
commensurate with states six and five to be ≈ 3700 K and ≈ 4500 K, respectively. We can
then surmise that the PaV and PaW emission from these stars are emitted from hydrogen at
a temperature of < 4500 K. However, temperatures this low cannot explain the observed
HU emission lines (Muzerolle et al. 1998b).

Four of the observed stars are classified as weak line T Tauri stars, according to the
classification scheme of White & Basri (2003), because their half widths at 10 percent
maximum (HW10%) are less than 135 kms−1. The stars are RECX-6, Ass Cha T 2-45a,
Ass Cha T 2-4, and RECX-12. In this work, I adopt the HW10% criterion because White
& Basri (2003) showed it to be a reliable method of distinguishing between classical and
weak line T Tauri stars and the HW10% criterion is unaffected by veiling.

In § 3.3.1, I discuss the classification and distribution of the different line profile
structures. In § 3.3.2, I analyse the widths and general characteristics of the lines.
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Table 3.2: The half width at 10% maximum (HW10%) of the star’s HU line profiles. Those stars
with a width less than 135 kms−1 are classified as weak line T Tauri stars (WTTS) according to the
approach of White & Basri (2003).

Name HW10% WTTS[kms−1]
ESO-Ha-562 197.1
IQ-Tau 187.3
V354-Mon 178.2
T-33 214.7
T-11 191.0
VW-Cha 209.3
V409-Tau 283.3
CR-Cha 220.8
T-52 280.7
T-38 219.2
KV-Mon 228.9
Sz-22 301.3
T-4 125.0 Y
DG-Tau 271.3
T-23 160.2
RECX-12 85.7 Y
Cha-Ha-6 136.8
T-12 159.8
CT-Cha-A 272.8
ESO-HA 442 166.3
CHX18N 192.2
TW-Cha 184.3
RECX-6 63.1 Y
T-49 172.3
T-35 205.5
T-45a. 92.8 Y
RECX-9 149.1
T-24 218.2
Hn-5 161.2

3.3.1 Reipurth classification

The hydrogen line profiles presented show a broad spectrum of different complex struc-
tures. The profile morphologies are important because they provide insight into the
physical processes present in the T Tauri stars. Reipurth et al. (1996) devised a scheme
to classify the HU T Tauri line profiles that not only simplified the data but also reflected
the underlying physics of the spectra. The system established by Reipurth et al. (1996)
characterises the spectra by the position and strength of a secondary peak relative to
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the primary peak. The interplay between the peaks is assumed to be the product of a
symmetric emission line and one or more absorbers.

Following the scheme described by Reipurth et al. (1996), the emission line profiles
were classified as follows.

• Type I: symmetric profiles with few or no features.

• Type II: two peaks, the second greater than half the strength of the primary.

• Type III: two peaks, the second being less than half the strength of the primary.

• Type IV: sub-continuum absorption with no further significant emission beyond the
absorption.

The types are subdivided into B and R because the secondary peak or absorption feature
can be either blue or red-shifted relative to the primary peak. The classifications are
illustrated in the top panels of Fig. 3.6. The types IVB and IVR are equivalent to the P-
Cygni and inverse P-Cygni profiles, respectively. The classification scheme is extended to
the infrared lines because similar structures are seen for the higher lines and the underlying
physics is assumed to be the same. Furthermore, the system has been used to categorise
T Tauri spectra in previous studies, for example, Folha & Emerson (2001) and Kurosawa
et al. (2006).

Fig. 3.6 shows the Reipurth classification for the observations. Line profiles were
classified by eye. The seven types of profile morphology defined by Reipurth et al. (1996)
are seen in the data. For spectra in which the Reipurth type was not easily determined
due to noise levels, the profiles were not classified and excluded from the results of
this paper. Therefore, these unclassified spectra introduce uncertainty into the Reipurth
distribution. The number of unclassified spectra are: 0 HU, 10 PaV, 14 PaW, and 18
BrW. The sample of T Tauri stars is comparatively small, and a significant proportion of
the infrared lines could not be classified. Consequently, the statistical significance of the
distribution is ambiguous; however, it exhibits a similar distribution of morphologies as
those seen in previous T Tauri studies (e.g. Folha & Emerson 2001; Reipurth et al. 1996).
The distribution concurs with previous results showing that the majority (≈ 43 per cent)
of profiles are type I and the second highest population of Reipurth types for the infrared
lines are type IVR.

There are several cases of inverse P-Cygni profiles in our data, the majority of which
are seen for PaV. There are two notable stars that contain prominent inverse P-Cygni
signatures across all infrared lines. Ass Cha T 2-35 has strong inverse P-Cygni absorption
in all of the infrared lines, whereas the HU line only displays a red-shifted secondary
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3.3. PRESENTATION OF HYDROGEN SPECTRA

peak. Ass Cha T 2-49 has a narrow inverse P-Cygni absorption in the infrared lines and no
significant HU red-shifted absorption. The single example of blue-shifted sub-continuum
absorption is seen in the HU spectra of Ass Cha T 2-52, which has a narrow P-Cygni
absorption profile consistent with a disk wind (Kurosawa et al. 2011). The infrared lines
of Ass Cha T 2-52 exhibit no discernible blue-shifted absorption. None of the infrared
lines exhibit discernible blue-shifted absorption.
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Figure 3.6: The distribution of Reipurth classification from the X-Shooter spectra. The results are
subdivided by hydrogen emission line and example profiles are shown along the top.

3.3.2 Line profile characteristics

Fig. 3.7 shows the distribution of the central velocity of the primary peak, FWHM,
HW10%, and the equivalent width as histograms subdivided by different categories of
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Figure 3.7: Histograms of the velocity of the line peak, the FWHM, the HW10%, and the
equivalent width. The histograms are subdivided into the following categories: HU, infrared lines,
type IV, and types I–III.

observed spectra. The mean values for these subdivisions are shown in Table 3.3, along
with the associated standard deviation. Generally, the HU profiles are wider than the
infrared lines and have a greater equivalent width. The distribution of widths for HU
is wider than for the infrared lines and the subsets have a large overlap. The central
velocity of the primary peak is on average slightly (−8 kms−1) blue-shifted from the rest
velocity for the infrared lines. The PaV and BrW profiles presented by Folha & Emerson
(2001) exhibited similar FWHM distributions and generally had slightly blue-shifted peak
velocities. The mean HU peak velocity is 35 kms−1, however, the distribution is bifurcated
into two groups, one blue-shifted from the rest velocity and the other red-shifted.

The width of types I–III covers a broad range, but type IV profiles are on average
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Table 3.3: The mean values of the primary peak’s central velocity, FWHM, HW10%, and equiv-
alent width for four different subdivisions of the observed spectra. The standard deviation of each
value is shown in brackets.

Category Peak Vel. FWHM HW10% ,_

kms−1 kms−1 kms−1 Å
Type IV -6 (60) 164 (74) 139 (59) -8 (17)
Type I–III 9 (51) 184 (75) 170 (57) -17 (26)

HU 35 (48) 208 (87) 191 (58) -38 (31)
PaV, PaW, BrW -8 (45) 169 (62) 157 (52) -3 (3)

narrower by ≈ 26 kms−1. The mean peak velocity is blue-shifted for type IV profiles
and red-shifted for types I–IV, although they have similar standard deviations of 59 and
57 kms−1, respectively. It is expected that the type IV profiles are narrower and blue-
shifted because the inverse P-Cygni features reduce the line width, centring the emission
slightly blueward.

Summary

This section presented the hydrogen line profiles of 29 different T Tauri stars observed
using the X-Shooter instrument at the VLT. I explored the general characteristics of the
profiles and saw that the HU line profiles were poorly correlated with the near-infrared
lines of PaV, PaW, and BrW. At least four of the stars can be classified as weak line T Tauri
from the HU half-width at 10%.

Using the line profile classification scheme set out by Reipurth et al. (1996), I found
that our data produced a distribution of Reipurth types similar to previous studies of
hydrogen lines. The most common type in our observations is type I for both HU and the
infrared lines. The infrared lines have the highest proportion of inverse P-Cygni profiles
(type IV R), and conversely, do not exhibit P-Cygni profiles (type IV B). This is because
the generally low optical depth of the infrared lines creates absorption features only in
high-density regions, such as the accretion funnel.

In the next chapter, I compare the observations to a grid of synthetic line profiles
produced using the radiative transfer model (Chapter 2). The ensemble of the synthetic
line profiles is compared with the general profile characteristics observed in this chapter,
and it is seen that several discrepancies exist.
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Chapter 4

A Comparison of Synthetic and
Observed Spectra

In this chapter, I present a grid of synthetic line profiles (§ 4.1) produced usingTORUS and
the T Tauri model discussed in Chapter 2. Line profiles were produced using a set of
parameters (see Table 4.1) intended to broadly span the range of predicted accretion rates
and temperatures in T Tauri stars, based on observational constraints (e.g. Muzerolle et al.
2001).

The radiative transfer models have many unconstrained parameters, and the line
profiles are highly degenerate. Therefore, in this chapter, I analyse the width and mor-
phology of the ensemble of synthetic line profiles. I then compare our grid to the spectra
of the 29 T Tauri stars presented in Chapter 3.

4.1 Synthetic line profile grid

The parameters used to create the synthetic line profile grid are described below. The
models contain a single source star with an effective temperature of )eff = 4000 K, a mass
of "∗ = 0.5 M�, and a radius of '∗ = 2.0 R�. These parameters were chosen to be
consistent with earlier work, for example, Muzerolle et al. (1998b, 2001); Kurosawa et al.
(2006). Our grid covers a wide range of accretion rates of 10−7, 10−8, and 10−9 M�yr−1

with mass-loss rates of 0.1, 0.01, and 0.001 of the accretion rate. These mass-loss rates
were selected to be in the range required to provide a significant spin-down torque on the
star (Matt & Pudritz 2005b) and are consistent with the range of values estimated from
jets (Nisini et al. 2018). The source star parameters and the wind and magnetospheric
geometries were not varied. For each model setup, line profiles were computed for three
inclinations: 20◦, looking down the pole through the wind; 60◦, just outside of the wind’s
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opening angle; and 80◦, looking along the disk through the magnetosphere. The line
profiles were computed for the four hydrogen transitions presented in Chapter 3 of HU,
PaV, PaW, and BrW. The full list of parameters and their respective values can be found in
Table 4.1.

Fig. 4.1 shows a subset of line profiles in the grid; only models with a wind temper-
ature of 8000 K are included. The full atlas of the line profile can be seen in Appendix A.
The figure arranges the line profiles by accretion rate and maximum magnetospheric tem-
perature, subdivided by the hydrogen transition. The synthetic lines exhibit a broad range
of different morphologies. HU has the highest peak intensity, and the subsequent strongest
lines are PaV, PaW, and BrW, respectively. However, ≈ 7 per cent of the BrW lines at an
inclination of 20◦ have a greater peak intensity than PaV and PaW. These lines occur for
an accretion temperature of 9500 K and an accretion rate of 10−7 M�yr−1. In general, the
HU lines are wider than the infrared lines and some have broad wings > 1000 kms−1. The
majority (≈ 83 per cent) of the infrared lines display red-shifted sub-continuum absorp-
tion. Blue-shifted sub-continuum absorption is not seen at high inclination, where the
viewing angle is along the disk outside of the wind opening angle.

The general trends seen in the grid are outlined as follows. Higher accretion rates
increase the line intensity. A high accretion rate of 10−6 M�yr−1 was tested and the mod-
els produced structured HU absorption superposed on a broad (±1000 kms−1) emission
profile. Only a limited number of models were run with an accretion rate of10−6 M�yr−1

and the profiles are not included in this work. The line profiles intensity also increases
with higher accretion flow temperature. The HU lines are dominated by Stark broadening
for accretion flow temperatures of at least 7500 K at accretion rates of 10−8 M�yr−1. The
effect of Stark broadening is that the line width increases with temperature and accretion
rate. For a temperature of 9500 K and an accretion rate of 10−7 M�yr−1, the HU profiles
are Stark broadened to havewings greater than±1000 kms−1. In contrast, the infrared lines
are almost completely unaffected by Stark broadening. The intensity and equivalent width
of the infrared lines increases significantly with greater accretion rates and temperature.
On the other hand, the full width at half maximum (FWHM) is less strongly affected by
the accretion rate and temperature. The mean equivalent widths of the synthetic profiles
are HU, −34.5; PaV, −2.3; PaW, −0.6; and BrW, −2.3.

HU exhibits inverse P-Cygni profiles for the accretion rates of 10−8 M�yr−1 when
)acc ≤ 7500 K and for 10−9 M�yr−1 when )acc ≤ 8500 K. For accretion rates and
temperatures above this, the Stark broadening smooths over the absorption features. For
the infrared lines, the inverse P-Cygni profiles are exhibited irrespective of the inclination,
accretion rate, or temperature.

Fig. 4.2 shows the distribution of line peak velocities for the four different hydrogen
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Figure 4.2: The distribution of synthetic line centres for the different hydrogen transitions. The
infrared line centres are blue shifted, whereas the HU line centres are bi-modal with both red and
blue-shifted peaks.

transitions. The infrared lines havemean peak velocities of−20.6,−16.5, and−14.5 kms−1

for PaW, PaV, and BrW, respectively. Whereas, the mean peak velocity for HU is −3 kms−1.
However, the distribution is divided into two sections of red-shifted peaks with a mean
of ≈ 20 kms−1 and blue-shifted peaks with a mean of ≈ −35 kms−1. The red shifted
peaks are the product of the high accretion rate models where log ¤"acc = −7 (the units of
M�yr−1 are emitted for brevity) and the blue shifted peaks of the low accretion rate models
(log ¤"acc = −9). Models with an accretion rate of log ¤"acc = −8 have peak velocities fairly
evenly distributed from −60 to 40 kms−1. The effect of Stark broadening is minimal at
low accretion rates, which gives rise to greater red-shifted absorption, effectively shifting
the peak velocity blueward.

In the following sections, I present a comparison of the characteristics (§ 4.2) and
the structure (§ 4.2.1) of the ensemble of synthetic line profiles and the observed T Tauri
stars.

4.2 Comparison of profile features

To analyse the synthetic and observed emission as an ensemble, I calculated the full
width at half maximum (FWHM), the half width at 10% peak maximum (HW10%),
equivalent width ,_, the peak intensity, and the velocity of the peak intensity of the
synthetic profiles. The FWHM and HW10% were calculated by fitting the synthetic line
profiles with a linear spline using the Python module scipy.interpolate.interp1d.
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Figure 4.3: Convolution of synthetic spectra created with a velocity resolution of ΔE =

12.04 kms−1 (' = 24900) to the observed resolutions of ' = 18400 for HU and ' = 11600
for PaW, PaV, and BrW.

The trapezium integrator provided by scipy.integrate.trapz was used to determine
the area under the line profile to calculate ,_. The synthetic profiles are smooth with
negligible small scale fluctuations; therefore, a spline can accurately represent the line
profile and a Gaussian fit is not required.

The synthetic line profileswere calculated for velocity increments ofΔE = 12.04 kms−1,
which corresponds to a spectral resolution of ' = 24900. The observations were observed
at resolutions of ' = 18400 (ΔE = 16.3 kms−1) for HU and ' = 11600 (ΔE = 25.9 kms−1)
for the infrared lines. I explored the effect of applying a Gaussian convolution to the
synthetic spectra to reduce their resolution to that of the observed spectra. However,
the change in the morphology of the line profiles, particularly the FWHM and HW10%
was negligible when the synthetic spectra were convolved. Fig. 4.3 shows the effect of
convolving the synthetic spectra to the resolution of the observations using a Gaussian ker-
nel. Therefore, the TORUS native resolution was kept and the resolution of the synthetic
spectra were not convolved hereafter.

Although our model grid was not set up to fit any particular star, it is informative to
directly compare the synthetic line profiles with the observed line profiles. As an example,
I show the spectra of three stars (Sz 22, DG Tau, and Ass Cha T 2-52) in Fig. 4.4 and
a corresponding model selected to match the HU line profiles. The models were chosen
using a j2 fit test to find the closest HU profiles from the grid. The parameters of the
chosenmodels are shown in Table 4.2. Themodels use our fiducial values of)eff = 4000 K
and "∗ = 0.5M�, whilst the effective photospheric temperature for Sz 22 is 4350 K, for
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Figure 4.4: Three of the best cases of the grid matching the observed line profiles. The models
have been chosen because they best reproduce the observed HU height and width. The observed
spectra have been adjusted to compensate for each system’s radial velocity.
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DG Tau it is 4350 K, and for Ass Cha T 2-52 it is 5110 K (Manara et al. 2016; Nguyen
et al. 2012). The stellar masses for Sz 22, DG Tau, and Ass Cha T 2-52 are 1.09, 1.4,
and 1.4 M�, respectively (Manara et al. 2016). The observed inclinations of DG Tau
and Ass Cha T 2-52 are < 30◦ (Isella et al. 2010) and 35 ± 10◦ (Hussain et al. 2009),
respectively. For Sz 22 the circumstellar disk is thought to be viewed edge on, suggesting
a high inclination (Schmidt et al. 2013), which agrees with the fitted model. For DG
Tau and Ass Cha T 2-52 the fitted models suggest a medium inclination compared to the
observed low inclinations. However, the synthetic grid is course and the fitted models
only crudely match the observed line profiles, especially for DG Tau and Ass Cha T 2-52.
A close fit of the inclinations is not expected.

A caveat to direct comparison is that the veiling of the observed lines has not been
considered. Whereas the effect of reddening is negated by the continuum normalisation,
the influence of veiling is not. Nevertheless, Fig. 4.4 highlights a trend seen in the synthetic
spectra grid. Namely, that while our method selects models with similar strengths and
widths in HU to that observed, the models fail to reproduce the observed infrared lines.
The synthetic infrared lines are too structured and narrow. The tendency of the ensemble
of widths being too narrow for synthetic infrared lines is discussed below.

Table 4.2: The model parameters used in Fig.4.4

Object Sz 22 DG Tau T-52
log ¤"acc −8 −8 −8
)acc 9500 K 9500 K 9500 K

log ¤"BF −9 −9 −9
)BF 10000 K 10000‘K 8000 K

Inclination 80◦ 60◦ 60◦

Fig. 4.5 compares the distributions of synthetic and observed HW10% for the four
hydrogen transitions. The upper quartile, the median, and the lower quartile are shown
as horizontal dashed lines. The distribution of synthetic HU widths is much broader than
that observed, ranging from close to zero to more than 1100 kms−1. This broad range is
a result of our parameter grid sampling a relatively uniform coverage of line profiles in
this range. The right-hand figure shows a subset of our grid constrained such that only
models with an HU HW10% between 60–350 kms−1 are included. By constraining the
synthetic models so that the HU HW10% lies in a range similar to that observed, it is easier
to compare the ensemble of line profiles across the different hydrogen transitions. Even
with the HU distribution constrained to match the observed widths, the median width of
the synthetic infrared line is narrower than that in the observed sample. The differences
in the median value of HW10% for the synthetic and observed PaW, PaV, and BrW lines
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are 96, 64, and 80 kms−1, respectively. In other words, for a range of models that predict
line widths of HU in the same range as observations, the predicted widths for the infrared
lines are systematically too narrow by ≈ 80 kms−1. In § 4.3, I explore what modifications
can be made to the models to bring these synthetic lines into better agreement with the
observed sample.

Fig. 4.6 shows a plot of FWHM versus HW10% for the synthetic and observed
spectra. Each point indicates a separate line profile; the colour and size indicate the
accretion rate. The White & Basri (2003) HU HW10% distinction between the weak line
and the classical T Tauri stars is shown by the vertical dotted line. For HU, the FWHM
and HW10% are strongly correlated for both observations and models. Both the synthetic
and the observed data show that the widths depend on the accretion rate. However, the
temperature of the accretion funnel and the viewing inclination have a significant influence
on the widths of the models, scattering the FWHM and the HW10% for a given accretion
rate. The relationship between FWHM and HW10% for a single Gaussian is

FWHM
HW10%

=
2
√

2 ln 2
√

2ln 10
≈ 1.1 , (4.1)

displayed in Fig. 4.6 by inclined solid black lines. The observed sample is scattered
around this relationship. The synthetic HU spectra tend to have a smaller FWHM for
a given HW10% than expected from the Gaussian relationship. The deviation from the
Gaussian FWHM to HW10% relationship is due to Stark broadening. The synthetic HU
lines take on a Voigt profile when Stark broadening is dominant (see Chapter 2.2.3). The
Voigt form has wider wings and a narrower peak than a Gaussian curve. This effect is
not observed in the higher lines, where Stark broadening is negligible. The widths of the
observed line profiles were measured using a Gaussian fit; therefore, the deviation away
from the expected FWHM to HW10% relationship for the observed data is due to the
convolution of the multiple Gaussians components used.

For PaW and BrW, the observations exhibit a tighter correlation between the FWHM
and HW10% than for PaV. The PaV observations exhibit a larger scatter, suggesting a
divergence away from the Gaussian form and more structure in the line profiles. This is
corroborated by the fact that PaV has the highest frequency (63 per cent) of non-type I
profiles (see § 4.2.1). In contrast to HU, the FWHM and HW10% of the infrared lines in
the observations and models exhibit little correlation with the accretion rate. The models
shown in Fig. 4.6 have been selected so that the range of HW10% widths for HU roughly
corresponds to the range of observational data. However, these models predict widths for
the three higher lines that are, on average, much narrower than the observed widths. In
general, for an accretion rate of log ¤"acc = −7 the synthetic lines have a lower ratio of
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Figure 4.6: The FWHM vs. HW10% for observed (black outlined stars) and TORUS data
(coloured hexagons). The colour denotes the accretion rate. The vertical dashed line shows the HU
split between WTTS and CTTS (White & Basri 2003). The diagonal black line is the analytical
Gaussian relationship between the FWHM and the HW10%.
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FWHM/HW10% than other accretion rates.
Fig. 4.7 compares the ratio of the peak PaV to BrW versus the accretion rate for the

synthetic and observed line profiles. Note that all synthetic PaV and BrW profiles in our
complete grid are included in this figure. Because our T Tauri observations (see Chapter 3)
are not corrected for veiling and ISM extinction, there is an uncertainty to the line ratios.
Therefore, I have also included the line ratios of a sample of classical T Tauri stars from
Muzerolle et al. (2001) and Muzerolle et al. (1998a). The observed line ratios of both
data sets are in accord and typically have values between three and seven. Furthermore,
the ratios are constant across a wide range of accretion rates (log ¤"acc = −6.3 to −9.4).
The synthetic profiles show that as the accretion rate decreases, the ratio of PaV to BrW
increases because the emission of BrW decreases more rapidly. To duplicate the line ratios
observed, higher temperatures are needed at lower accretion rates, which was also seen by
Muzerolle et al. (2001). The constant line ratio observed across the range of accretion rates
indicates that there may be a mechanism for increasing the temperature of the accretion
flow as the accretion rate decreases.

4.2.1 Reipurth classification

Following the framework given by Reipurth et al. (1996) and outlined in Chapter 3.3.1,
the synthetic line profiles were classified using a Python routine. The code worked by
finding peaks and troughs using a gradient search and using them to classify the lines
with the following order of precedence: IV, I, II, and III. The programme defines type
IV as being a sub-continuum absorption with no further emission greater than 0.01 of
the maximum line flux. If the profile contains both red and blue-shifted absorption, the
deepest feature is used to classify the line. Many profiles have type II or III features along
with type IV. To avoid any classification bias, the synthetic spectra were classified using
the same order of precedence as the X-Shooter observations.

Fig. 4.8 displays the results of the classification of synthetic spectra as hashed bars
that overlay the distribution of the observed Reipurth types. The distribution of types for
the synthetic HU lines shows a distribution similar to the observations, with the majority
concentrated in type I. The HU distribution differs significantly from the observations for
type IVR. Inverse P-Cygni profiles are seen in 35 per cent of the syntheticHU lines; whereas,
only 3.4 per cent of the observations (1 spectra) exhibit this morphology. However, the HU
inverse P-Cygni profiles are only present in models that would be classified as Weak Line
T Tauri stars, based on the HU 10 per cent width criteria of White & Basri (2003). IPC
profiles are seen in the spectra of one of the 29 TTauri stars (Reipurth et al. (1996) observed
two out of a sample of 43), approximately 3.4 per cent. From Fig. 4.5, it can be seen that
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Figure 4.7: Ratio of PaV to BrW versus accretion rate the X-Shooter data (pink stars) the T Tauri
sample of Muzerolle et al. (2001) (pink circles) and the synthetic line profiles (hexagons). The
horizontal dotted lines indicate the PaV/BrW ratios of 1, 2, and 10. The colour of the hexagons
indicate the magnetospheric temperature.

despite the uniform grid of parameters, the HW10% distribution is not uniform. A greater
number of profiles are produced with a lower HW10%, these profiles predominantly have
inverse P-Cygni features and account for the excess of type IVR profiles. Blue-shifted
sub-continuum absorption (type IV B) is relatively rare for HU and only seen in 7 per cent
of synthetic profiles; see § 4.2.2 for further discussion.

Unlike the relative agreement seen for HU, synthetic infrared lines predict a signifi-
cantly higher frequency of P-Cygni profiles; ≈ 98 per cent are of type IVR or IVB. However,
across all three infrared lines, the mean frequency of IPC profiles in the X-Shooter sample
is ≈ 23 per cent and none of the infrared observations exhibit blue-shifted sub-continuum
absorption. Comparatively, Folha & Emerson (2001) saw a frequency of type IVR profiles
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Figure 4.8: Relative fraction of Reipurth types. The coloured bars indicate the results for the X-
Shooter observations and the hashed bars for the synthetic TORUS grid. The results are subdivided
by hydrogen transition and an example profile of each type is shown at the top. The hashed bars
over plotted are the classification of the corresponding hydrogen transition.

of 34 and 20 per cent for PaV and PaW, respectively. Furthermore, they did not observe
any type IVB profiles in their sample of 50 T Tauri stars. For the chosen parameters of our
model grid, the synthetic line profiles show a much higher occurrence of deep-absorption
features than that present in our observed sample. I explore possible modifications to the
model in § 4.3 and further discuss them in § 4.4.

The mean signal-to-noise ratio (SNR) of the X-Shooter spectra is ≈ 70 for the VIS
arm and≈ 108 for the NIR. These values are taken as themean over the whole VIS andNIR
arms of X-Shooter. The mean ratio of the peak emission to the depth of the sub-continuum
absorption (EAR) for the synthetic type IV profiles is ≈ 3 and ≈ 4 for the optical and
infrared lines, respectively, see Fig. 4.9. Hence, the sub-continuum absorption features in
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Figure 4.9: Left-hand panel shows the distribution of SNR for the VIS and NIR arms of X-Shooter.
The right-hand panel shows the distribution of the ratios of the peak emission to the depth of the
sub-continuum absorption (EAR) for the different hydrogen wavelengths in the synthetic data.

the synthetic grid are 18 – 25 times greater than the observed noise level. Consequently,
the effect of the noise is not expected to significantly influence the Reipurth classifications
of the synthetic profiles.

4.2.2 P-Cygni profiles

Blue-shifted sub-continuum absorption (a P-Cygni profile) is created in our model by the
outflowing gas and is a good tracer of the stellar wind. In the observed T Tauri stars,
there is a single P-Cygni profile for the HU spectra of Ass Cha T 2-52. As can be seen in
Fig. 4.8, the frequency of P-Cygni profiles in our grid is ≈ 10 per cent. The blue-shifted
sub-continuum absorption features in our grid are broad (≈ 100 kms−1), consistent with
line profiles produced by the stellar wind models of Kurosawa et al. (2011).

P-Cygni profiles are seen in our grid at all three inclination of 20◦, 60◦, and 80◦,
but the majority is seen at 20◦. HU P-Cygni profiles are primarily (92 per cent) seen
for an inclination 20◦; the other eight per cent at an inclination of 60◦. The depth of
the blue-shifted absorption increases with the wind temperature and the largest fraction
of P-Cygni profiles are seen with a wind temperature of 104 K. The line emission peak
is inversely correlated with the wind temperatures. This is particularly apparent for the
infrared lines because the higher energy levels five, six, and seven become depopulated
before the upper HU level (three). This inverse relationship does not hold at a high wind
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temperature (2×104 K), where the wind emission dominates the emission of the accretion
funnel. Fig. 4.10 presents the fraction of synthetic lines that exhibit P-Cygni profiles as
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Figure 4.10: The right hand panels is a heatmap showing the total fraction of P-Cygni profiles
for accretion rate versus mass-loss rate in the synthetic grid. The diagonal lines indicate constant
mass-loss rates relative to the accretion rate. The left hand panel shows the fraction of P-Cygni
profiles for different mass-loss rate subdivided by hydrogen transition.

a function of the rates of accretion and mass loss. It can be seen that the frequency of
P-Cygni profiles is correlated with the ratio of ¤"BF/ ¤"acc and not ¤"BF alone. For example,
at a high accretion rate of log ¤"acc = −7, P-Cygni profiles are only observed at mass-loss
rates of log ¤"BF = −8 and −9. Whereas, for an log ¤"acc = −8 P-Cygni profiles are seen
for mass-loss rates of log ¤"BF = −9, −10 and −11 with decreasing frequency. Similar
results are seen for an accretion rate of log ¤"acc = −9. P-Cygni profiles were produced for
mass-loss rates as low as 10−12 M�yr−1.

Additionally, Fig. 4.10 shows the fraction of P-Cygni profiles for different accretion
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rates at the three fractions of the mass-loss rate, subdivided by hydrogen transition.
Although a mass loss of 10% ¤"acc generally produces the highest fraction of P-Cygni
profiles, at an accretion rate of log ¤"acc = −7 a mass-loss rate of 1% ¤"acc creates a larger
frequency of HU P-Cygni profiles. Amass-loss rate of 0.1% ¤"acc has the lowest proportion
of P-Cygni profiles, and they are seen primarily for an accretion rate of log ¤"acc = −9. The
higher optical depth of HU should make it a good tracer of the low-density stellar wind.
However, in contrast to the expected and observed P-Cygni frequency, the HU profiles
produce P-Cygni profiles with a frequency lower than that of the infrared lines.

4.3 Modified T Tauri model

The model grid does not adequately reproduce the observed frequency of the infrared line
profile structures or the observed range of profile widths (§ 4.2). In the following section, I
explore the effects of a few different modifications to the models in an attempt to discover
the possible reasons for the discrepancies. In § 4.3.1, the effects of introducing turbulent
broadening are examined. The influence of rotation on synthetic lines is introduced in
§ 4.3.2. Finally in § 4.3.3, the widths are re-evaluated, considering only the blue-shifted
side, to determine the consequence of the high proportion of sub-continuum absorption
on the widths of the line profiles.

4.3.1 Turbulent line broadening

It is expected that there will be unresolved small-scale motion in the T Tauri systems on top
of the bulk gas flows. For instance, from unsteady accretion or wind flow, instabilities in
the accretion, or post-accretion shock gas. The effect of Stark broadening on the infrared
lines is negligible and so it was considered that the small-scale motion in conjunction
with Stark broadening could broaden the observed lines and reduce the frequency of
sub-continuum absorption features.

To explore the effect of turbulent broadening on the infrared line widths, the ef-
fect of this small-scale motion was incorporated into the models. I assume that the
unresolved velocity is everywhere in the grid and acts like a form of turbulence, i.e. a
Maxwell–Boltzmann velocity distribution. I used a value of Eturb = 100 kms−1, which is
approximately the largest difference in the median HW10% of the observed and synthetic
infrared lines; see § 4.2. There is little physical justification for the turbulent velocity to
be as high as 100 kms−1, other than it is the required velocity to sufficiently broaden the
ensemble of line profiles.

Fig. 4.11 shows the FWHM versus the HW10% for the Stark and turbulently broad-
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Figure 4.11: The effect of combining 100 kms−1 of turbulent broadening with Stark broadening.
Grey squares are the original Stark only broadened profiles from TORUS , and the coloured
hexagons are the Stark and turbulent broadened profiles. The grey lines connect the two different
models.
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ened lines and the Stark-only broadened lines. Similarly to Fig. 4.6, the profiles are filtered
so that only models with a HU HW10% between 60 − 400 kms−1 are included. Turbulent
broadening increases the HU line too much, pushing the median value of HW10% to
≈ 320 kms−1. The effect on the infrared lines is to bring the range of predicted values to
be largely overlapping with the observed data. Turbulent broadening increases the number
of synthetic lines that have HW10% greater than 400 kms−1 by 4%.

The full set of turbulently broadened line profiles can be seen in Fig. 4.12. The figure
shows the line profiles organised by spectral line (columns) and inclination (rows). The
effect of the turbulence is to create a boxier profile; steep sides with flat tops. The added
turbulent velocity increases the resonant range of the transition wavelength, broadening
both the emission and absorption features. This “top-hat” morphology is not seen in the
observed data. The distribution of the Reipurth classifications is not significantly changed
by the turbulence and a high proportion of inverse P-Cygni profiles are still predicted. The
boxier profiles increase the ratio between the FWHM and the HW10%, creating a steeper
relationship than seen for a Gaussian or a Voigt profile.

In conclusion, the turbulent broadening produces an infrared range of line widths
in better agreement with the observations. This modification causes the width of the HU
lines to become boxy, a morphology not reflected in the observations. A smaller value of
Eturb will reduce the top-hat like morphology but will not increase the width of infrared
line profiles sufficiently. Furthermore, the frequency of sub-continuum absorption is not
significantly changed, suggesting that incorporating unresolved small-scale motions into
the simulations cannot solely account for the lack of width in the infrared lines. This is
especially true since there is no strong physical motivation for the turbulent motion to be
as high as 100 kms−1.

4.3.2 Rotational line broadening

The line profiles presented in § 4.1 are computed for a non-rotating T Tauri model. In
principle, the Doppler shift from rotational motion should broaden the line profiles. Thus,
to explorewhether this improved the fit of themodel to the data, I ran a small grid of rotating
models with a wind velocity as prescribed in Chapter 2.3.1.4.2. The magnetosphere is
treated as a solid body that rotates with the star. The models were computed at two rotation
velocities, 0.05 Ebr (13.4 kms−1) and 0.5 Ebr (134 kms−1), where Ebr is the stellar break-up
velocity, taken to be the balance of gravitational and centrifugal forces without considering
the effects of an equatorial bulge such that

Ebr =

√
�"'−1

∗ . (4.2)
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Figure 4.13: The effect of rotation on line profiles. The profiles are shown for three different
rotation rates: no rotation (solid line), 0.05 Ebr (pink dashed line), and 0.5 Ebr (blue dash-dotted
line). The profiles are arranged by viewing inclination (columns) and wavelength (rows). At high
rotation rates, the profiles are flattened and broadened.

T Tauri stars are typically slow rotators (e.g. Bouvier et al. 2014). However, I include
a model with a rotation rate of 0.5 Ebr so as to be able to compare the effect of an
extreme case with a more realistic rotation rate. The models have an accretion rate
of log ¤"acc = −7, a mass-loss rate of ¤"sw = 0.1 ¤"acc, a maximum accretion funnel
temperature of )acc = 7500 K, and a stellar wind temperature of )sw = 8000 K. Fig. 4.13
shows the line profiles for the rotating and the non-rotating case.

The profiles are smoothed and broadened by rotation. However, this effect is
negligible unless the rotation is at a significant proportion of the stellar break-up velocity.
For example, a rotation velocity of 0.05 Ebr had no effect on HU, while for PaW and PaV, the
peak intensity was reduced by ≈ 10 per cent for an inclination of 80◦. On the other hand,
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a rotation rate of 0.5 Ebr significantly broadens the synthetic profiles when viewed from a
high colatitude. The peaks are shifted away from the rest velocity as the hot, high-density
gas in the magnetosphere dominates the emission. Estimates of E sin 8 and the rotation as a
fraction of the break-up velocity for the X-Shooter stars are shown in Table 4.3. V354-Mon
has the highest rotation rate in the data set with a velocity of E sin 8 = 40.9 kms−1, only
11 per cent of the star’s break-up velocity. The rotation rates in our observed data set are
not large enough to cause significant line broadening. Therefore, rotational broadening
cannot explain the mismatch between the observed and synthetic line widths.

4.3.3 Blue-shifted emission

More than 80 per cent of the synthetic infrared line profiles have inverse P-Cygni features,
significantlymore frequent than the∼ 23 per cent seen in the observations; see § 4.2.1. The
red-shifted sub-continuum absorption reduces the width of the emission profiles. Thus, if
the model were modified to reduce the frequency of red-shifted sub-continuum absorption,
we can expect that the average line widths would also increase. A possible mechanism
for removing the red-shifted absorption is by introducing a non-axisymmetric accretion
flow where the accreting column only periodically intersects with the line of sight. For
example, Esau et al. (2014) used a non-axisymmetric accretion flow to reproduce the
Balmer variations seen for AA Tau successfully; this effect is discussed further in § 4.4.

To estimate howmuch the inverse P-Cygni absorption might affect the line widths in
our models, I calculated the HW10% values using only the blue side of each synthetic line
profile (HW10%Blue). I employed a linear interpolation of the line that was blue-shifted
from the peak to determine values of the profile width. Fig. 4.14 shows the HW10%Blue

versus the true HW10%. The diagonal line (black dashed) shows the one-to-one ratio;
points below the diagonal indicate that the width decreased when considering only the blue
side. The points are coloured, denoting the inclination of the model. For a viewing angle
of 20◦, the majority of line widths decreased when only the blue-shifted emission was
considered. The blue sides of these modelled lines are narrower than the red because of
the strong blue-shifted absorption from the stellar wind, which lies along the line of sight
at this inclination. Fig. 4.14 also shows the distribution of the width change (Δ HW10%)
as a series of histograms. The mean change in HW10% for all models with inclination
of 60◦ or 80◦ is 48 kms−1. When only models with a low mass-loss rate (0.001 ¤"acc)
are considered, the average increase in width is ≈ 50 kms−1 for inclinations of 60◦ and
80◦. The change in measured HW10% is consistent across all four hydrogen lines, HU
is broadened similarly to the infrared lines. The mean changes in width for different
inclinations and hydrogen transitions are tabulated in Table 4.4.
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Table 4.3: Stellar rotation rates

Table showing the rotation rates for the observed X-Shooter stars. References are: 1
Nguyen et al. (2012), 2 Baxter et al. (2009), 3 Frasca et al. (2015), 4 Kounkel et al.

(2019), 5 Malo et al. (2014), 6 Manara et al. (2016), 7 Schneider et al. (2018), 8 Manara
et al. (2014), 9 McGinnis et al. (2015), and 10 Rugel et al. (2018).

Name !∗ '∗ + sin 8 + sin 8
+1A

Reference[ L�] [ R�] [ kms−1]
ESO-Ha-562 0.12 0.8 40 0.1 1,6
IQ-Tau 0.75 1.9 14.4 0.05 1,6
V354-Mon 1.67 1.8 40.9 0.11 2,7
T-33 0.69 1.1 16.5 0.04 3,6
T-11 1.45 1.7 14.1 0.04 3,8
VW-Cha 1.64 2.6 13 0.04 1,6
V409-Tau 1.17 1.5 34 0.09 1,8
CR-Cha 3.26 2.3 35 0.09 1,6
T-52 2.55 2.0 28 0.08 1,6
T-38 0.13 0.8 18.7 0.05 1,6
KV-Mon ∼ ∼ 24.25 ∼ 4,9
Sz-22 0.51 1.3 ∼ ∼ 6
T-4 0.43 1.3 12.4 0.03 1,6
DG-Tau 1.55 2.2 24.7 0.07 1,6
T-23 0.32 1.8 9.6 0.05 3,6
RECX-12 0.23 1.4 6.4 0.03 5,10
Cha-Ha-6 0.07 1.0 ∼ ∼ 6
T-12 0.15 1.3 10.7 0.06 1,6
CT-Cha-A 1.5 2.2 7.8 0.02 1,6
ESO-HA-442 ∼ ∼ ∼ ∼
CHX18N 1.03 1.4 26.5 0.07 1,6
TW-Cha 0.38 1.2 11.3 0.03 1,6
RECX-6 0.1 0.9 ∼ ∼ 10
T-49 0.29 1.6 8.2 0.04 1,6
T-35 0.33 1.2 21 0.05 1,8
T-45a 0.34 1.2 12.4 0.03 1,6
RECX-9 0.095 1.1 ∼ ∼ 10
T-24 0.4 1.4 10.5 0.03 1,6
Hn-5 0.05 0.8 7.8 0.04 1,6

The above analysis suggests that if the models were modified in some way to reduce
the prevalence of inverse P-Cygni absorption, the synthetic line profiles would become
significantly wider by an average of ≈ 48 kms−1. A mean increase of ≈ 80 kms−1 (see
§ 4.2) is needed to shift the HW10% of the synthetic infrared lines into agreement with the
observations. Therefore, while this effect cannot account for the whole disparity of widths
on its own, when combined with other mechanisms, such as turbulence and rotation, it
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Table 4.4: The mean differences between HW10% and HW10%Blue.

Inclination HU PaW PaV BrW
[kms−1]

20◦ −0.7 −5.9 −4.3 −5.7
60◦ 40.1 40.7 39.8 41.7
80◦ 52.8 57.4 54.1 58.4

may be sufficient.

4.4 Discussion

A significant caveat to our comparison of the observed and synthetic line profiles is the
possibility that our observed data are incongruous and not representative of the consensus
of T Tauri stars. However, our sample of 29 stars appears to be consistent with other
observational data. For example, the sample has a fraction of Reipurth classes similar to
the distributions reported by Reipurth et al. (1996) for HU and Folha & Emerson (2001) for
PaV and BrW. Furthermore, the peaks of the PaV and BrW lines are slightly blue shifted, in
agreement with Folha & Emerson (2001), although the mean FWHM of our line profiles
is smaller than the mean FWHM reported by Folha & Emerson (2001). The lines profiles
observed showed little correlation between the strength of HU and the strength of the
infrared lines. No correction for veiling has been applied to the spectra in Fig. 3.5 making
this result difficult to interpret. However, some stars, e.g. Cha Ha 6, have HU emission
but no infrared emission. This demonstrates that the fourth electron level is relatively
populated in some stars, while the gas does not have a significant proportion of hydrogen
with electrons in levels five, six and seven.

A second caveat is that our grid of synthetic line profiles was not adjusted to
agree with any particular observation; a singular stellar mass, radius, and temperature
were used. Broadly speaking, the synthetic line profile morphology is determined by the
magnetosphere’s geometry, accretion rate, and temperature. Consequently, our grid was
designed to encompass the broad range of parameters predicted for T Tauri accretion and
outflow (e.g. Hartmann et al. 1994; Muzerolle et al. 1998b, 2001; Kurosawa et al. 2006;
Lima et al. 2010; Kurosawa & Romanova 2012). In turn, our T Tauri sample has an
extensive range of accretion rates and stellar parameters, making it an appropriate initial
data set for a comparison with the ensemble of synthetic spectra.

Our models predict a greater number of HU inverse P-Cygni profiles than observed.
However, our grid of models can reproduce the observed fraction of HU Reipurth types
after the lines classified as weak line T Tauri stars (≈ 40 per cent) are removed. Themodels
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can be classified as Weak Line T Tauri stars based on the equivalent width criterion of
10 Å (Herbig & Bell 1988) or the HW10% criteria of White & Basri (2003) to the same
effect. By removing the weak line T Tauri models, I discard the HU models that contain
red-shifted sub-continuum absorption. Hence, for our model grid, inverse P-Cygni profiles
are only produced by models that would be classified as Weak Line T Tauri stars. This
result is substantiated byKurosawa et al. (2006) who demonstrated that the inverse P-Cygni
profiles in HU were only produced in ≈ 5 per cent of their sample. Moreover, in these
cases, the accretion rate was low enough that the lines would be consistent with a weak
line T Tauri classification.

The same models that correctly reproduce the observed HU Reipurth types predict
a very high frequency of inverse P-Cygni profiles for PaV, PaW, and BrW. For HU, Stark
broadening smooths out the synthetic spectra, masking the absorption features (Muzerolle
et al. 2001). However, for the infrared lines, the effect of Stark broadening is negligible
at the temperatures and densities expected in T Tauri accretion. A possible reason for
the dearth of observed inverse P-Cygni profiles is non-axisymmetric accretion flow. A
magnetic obliquity from the stellar pole could cause the accretion funnel to form “curtains”
that rotate with the star. Inverse P-Cygni profiles would then be seen intermittently when
the accretion curtain intersects the line of sight. Observations support this effect; for
example, McGinnis et al. (2020) measured a magnetic obliquity of 18◦+8−7 for DK Tau
and observed an inverse P-Cygni profile for two of the eight epochs. Accretion funnel
“curtains” have also been explored in radiative transfer studies. For instance, Symington
et al. (2005a) used a 3D non-axisymmetric model to reproduce some of the observed
variability seen in T Tauri stars, but in general, the models produced results that were too
variable. Esau et al. (2014) successfully modelled variable Balmer emission from AA Tau
with a non-axisymmetric accretion model, and Alencar et al. (2012) reproduced Balmer
lines from V2129 Oph over several stellar rotational cycles. Further analysis of T Tauri
time-series spectroscopic surveys would be helpful in better quantifying the variability of
inverse P-Cygni profiles across multiple wavelengths.

In addition to the red-shifted features of the magnetosphere, some interesting blue-
shifted features were created by the stellar wind. The stellar wind produced the character-
istic broad sub-continuum absorption feature noted by Kurosawa et al. (2011). P-Cygni
features occur in ≈ 10 per cent of the synthetic profiles, whereas P-Cygni profiles are
rare in our observations, with none exhibited for the infrared lines. The infrared lines are
optically thinner than HU, and therefore less sensitive to the lower-density wind. P-Cygni
profiles were also observed to be rare by Folha & Emerson (2001) and Edwards et al.
(2006). The reason why these mass-outflow signatures are scarce in the observations
could be due to the geometry, temperature, or mass-loss rate. Geometry should signif-
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icantly reduce the frequency of fast wind absorption since these winds are likely to be
collimated (Edwards et al. 2006) and therefore may not intersect the line of sight at high
inclinations. HU is optically thicker than the infrared lines, making it a better tracer of
low-density gas, such as the wind. However, the infrared lines of our grid produced a
higher frequency of P-Cygni profiles than HU, ∼ 11 and ∼ 8 per cent, respectively. This
may be due to Stark broadening effects smoothing out the absorption features for HU and
the relatively high density (≈ 5× 10−12 g cm−3) gas at the foot of the wind being optically
thick for PaW, PaV, and BrW. Lima et al. (2010) showed that for HU a mass-loss rate from
the inner disk of at least 10−9M� yr−1 was needed for the blue-shifted absorption features
to be shown. However, for our polar stellar wind, the models produced HU blue-shifted
sub-continuum absorption for mass-loss rates as low as 10−12M� yr−1. Additionally, our
results suggest that the frequency of synthetic P-Cygni profiles depends on the ratio of
mass loss to mass accretion, not the mass-loss rate alone. This is because higher accretion
rates increase magnetospheric and hot-spot emission, which masks the absorption features
from the wind.

Muzerolle et al. (2001) noted that the ratio of PaV to BrW was consistent for a sample
of T Tauri stars at different accretion rates. The ratio of the peak fluxes of PaV to BrW
from our sample of T Tauri stars was compared with the sample from fig. 15 of Muzerolle
et al. (2001) and found to be in agreement despite the lack of veiling and ISM extinction
corrections to our spectra. Similarly to the results of Muzerolle et al. (2001), our models
show that for the synthetic line ratio of PaV to BrW to correspond to the observed line
ratio, the magnetospheric temperature must increase as the accretion rate decreases. This
is because the emission of BrW abates rapidly with the decrease in density produced by
lower accretion rates. There must be a mechanism in the T Tauri systems that links the
accretion temperature to the accretion rate.

Another factor seen in § 4.2 is that the infrared widths (FWHM and HW10%) of
the synthetic and observed data do not agree. The models that produce HU profiles that
lie within the observed range create Paschen and Brackett spectra that are too narrow by
≈ 80 kms−1. Alencar & Basri (2000) suggested that rotation and turbulence may play
an important role in the formation of the width of the line profiles. In agreement with
Muzerolle et al. (2001), our results demonstrated that stellar rotation has a negligible effect
on the line widths at the rotation rates seen in our observed sample. Furthermore, the
level of turbulent motion needed to broaden the synthetic lines sufficiently to account for
the difference in infrared line widths is very high (≈ 100 kms−1). Not only is there no
apparent physical justification for such a considerable value of turbulence, but the spectra
produced are broad and flat-topped, a morphology not seen in observations.

In addition to turbulence and rotation, I attempted to quantify the reduction in the
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width of the spectra due to red-shifted absorption by calculating the width using only the
blue-shifted emission; an approach similar to that adopted by Alencar et al. (2012) to
compensate for poorly fitting red-shifted absorption. As expected (Bouvier et al. 2007;
Alencar et al. 2012), our analysis suggested that a significant change in themodel geometry
that could remove the inverse P-Cygni absorption, such as non-axisymmetric accretion,
would account for a substantial increase in the infrared line widths. Alone, such a method
may not be sufficient to account for the disparity between the synthetic and observed
hydrogen profiles. However, if the models were to include some combination of stellar
rotation, turbulence, and non-axisymmetric accretion, the synthetic profiles may be shifted
into accord with the observations. Conversely, Folha & Emerson (2001) showed that, for
their sample of PaV and BrW T Tauri spectra, the FWHM of Reipurth type I and type
IVR profiles were not significantly different. This would indicate that spectra with inverse
P-Cygni profiles are generally broader than those without them or that the sub-continuum
absorption does not significantly narrow the spectra. There is not a sufficient population
of type IVR’s in our sample to confirm this result.

Another factor not considered is the line emission from the accretion shock region.
This work treats the accretion shock zone as a black body heated by the release of
gravitational potential energy that adds to the continuum. However, the accretion regions
will also have line emission (e.g. Dodin 2018) that will contribute to the observed spectra.
A complete radiative equilibrium treatment of the shock region and magnetosphere is
necessary to constrain this effect fully, which requires the development of a self-consistent
theory of the heating and cooling mechanisms in the magnetosphere.

Summary

I presented a grid of synthetic T Tauri line profiles, computed using the radiative transfer
code TORUS . The models are based on the magnetospheric accretion configuration
originally developed by Hartmann et al. (1994) and developed further by Muzerolle et al.
(1998b, 2001); Symington et al. (2005a); Kurosawa et al. (2006); Lima et al. (2010);
Kurosawa et al. (2011). Our models also included a polar stellar wind launched from
the star’s surface, a more realistic development to the stellar wind used by Kurosawa
et al. (2011). I compared our ensemble of models to the spectra of 29 T Tauri stars.
The medium-resolution spectra covered a broad range of wavelengths that allowed me to
simultaneously compare the HU, PaV, PaW, and BrW lines. The following conclusions are
drawn.

• The observations exhibited similar Reipurth classifications, widths, and mean line
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centres to those seen in other studies (e.g. Folha & Emerson 2001; Reipurth et al. 1996;
Edwards et al. 2006).

• For HU, our synthetic line profile grid was able to reproduce the observed distribution
of Reipurth classifications and line widths. However, for the same models, the infrared
lines could not reproduce the observed emission. The modelled lines were too narrow
by ≈ 80 kms−1, and the majority (≈ 90 per cent) had inverse P-Cygni profiles.

• The ratio of synthetic PaV to BrW peak intensities showed that higher magnetospheric
temperatures are needed at lower accretion rates to match the observed infrared line
ratios.

• I explored the effect of rotation and turbulence and determined that they could not
sufficiently broaden the synthetic infrared line profiles or remove the inverse P-Cygni
features. The red-shifted sub-continuum absorption was determined to narrow the
HW10% of the lines by ≈ 48 kms−1.

• The polar stellar wind produced the characteristic broad P-Cygni profiles as suggested by
Kurosawa et al. (2011). Our models produced blue-shifted sub-continuum absorption
with mass-loss rates as low as 10−12 "� yr−1. Furthermore, our results suggested that
the frequency of P-Cygni profiles depends on the ratio ofmass loss tomass accretion rate;
the increased emission from higher accretion rates masks the blue-shifted absorption.
Despite the higher optical depth of HU, synthetic infrared lines produced a higher
frequency of P-Cygni profiles than HU.

In the next chapter, radiative transfer simulations of non-axisymmetric T Tauri
models are presented and consideration is made to the phase-dependent variability seen
in the synthetic line profiles.
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Chapter 5

Non-Axisymmetric 3D Radiative
Transfer

In Chapter 4, I presented axisymmetric T Tauri models; however, such a system is a special
case. It is more probable that the magnetic and rotation axes are not aligned but offset by at
least a few degrees. For example,McGinnis et al. (2020) saw amean offset of 11.4◦ for their
sample of 10 classical T Tauri stars with an RMSdispersion of 5.4◦. McGinnis et al. (2020)
measured the offset by monitoring the radial velocity variations, produced by the accretion
shock, of the He I _5876 Å line. Magnetohydrodynamic models show that even when
the magnetic field and rotation axes are aligned, the accretion funnel preferentially flows
through one hemisphere over the other. Magnetic perturbations can shift the flow between
hemispheres (Ireland et al. 2021, 2022). Therefore, amagnetic obliquity necessarily causes
a non-axisymmetric magnetosphere, where the accretion flow adopts the most energy-
efficient path to accrete from the disk to the star. Magnetohydrodynamic simulations of
T Tauri stars with an offset magnetic dipole commonly predict a paradigm in which the
alternate accretion columns (azimuthally constrained) form on either side of the star in
opposite hemispheres (e.g. Romanova et al. 2003; Long et al. 2011).

Non-axisymmetric accretion flow may account for some of the observed variability
of T Tauri stars. As the T Tauri stars rotate, the accretion columns and hot spots move
through the line of sight, altering the observed continuum and line emission. For instance,
inverse P-Cygni profiles are only expected when the accretion column intersects the
line of sight. In Chapter 4, I speculated that a reduction in the frequency of synthetic
inverse P-Cygni profiles could explain the narrowness of the infrared line ensemble. Non-
axisymmetric accretion flow may, by reducing red-shifted absorption, bring the widths of
the infrared line profiles into better agreement with the observations.

Symington et al. (2005a) presented the first 3D radiative transfer models of T Tauri



stars with non-axisymmetric accretion flows. The authors showed that by confining the
azimuthal extend of the accretion columns, themodels produced spectral variations similar
to those observed in T Tauri stars. However, Symington et al. (2005a) concluded that the
rotational variability produced by the radiative transfer simulations was greater than that
seen in the observations. In particular, they stated that the accretion model suggested by
magnetohydrodynamic simulations (two accretion columns, one in each hemisphere on
either side of the star) produced excessive variability at odds with observations. Kurosawa
et al. (2005) compared time-series PaV spectroscopy of SUAurigaewith non-axisymmetric
accretion radiative transfer simulations. Their models used either a magnetosphere formed
by modifying an axisymmetric accretion curtain by tilting it 10◦ relative to the rotation
axis or by removing three equally spaced 10◦ gaps. They showed that their models could
reproduce the variability of the equivalent width and the red-shifted absorption. Kurosawa
et al. (2008) used the results of a magnetohydrodynamic model mapped onto a radiative
transfer grid to study the induced variability of HU, PaV, and BrW. Kurosawa et al. (2008)
showed that, in contrast to the conclusions of Symington et al. (2005a), the synthetic
spectra predicted line variability in good agreement with observations. Additionally, their
results demonstrated that the spectra of Folha & Emerson (2001) were consistent with
models where the magnetic offset was small (< 15◦).

Clearly, 3D non-axisymmetric radiative transfermodels are necessary for adequately
simulating T Tauri accretion. For instance, bothAlencar et al. (2012) and Esau et al. (2014)
successfully reproduced some of the time-series spectroscopy variability of V2129 Oph
and AA Tau, respectively, by using radiative transfer simulations based on magnetohy-
drodynamic models. Dmitriev et al. (2019) presented 3D radiative transfer models of T
Tauri stars with an inclined magnetic dipole and introduced magnetospheric heating from
accretion shock, based on the work of Dodin (2018). Using their new models, Dmitriev
et al. (2019) demonstrated rotational modulation of synthetic spectra and line profiles that
were similar to the theoretical results of Muzerolle et al. (1998b) and Muzerolle et al.
(2001). However, extending the models to three dimensions only increases the degeneracy
of the synthetic spectra and adds further free parameters to the already complex models.
Therefore, a better understanding of how the geometry and accretion parameters shape
spectral variability is paramount.

This chapter examines several non-axisymmetric 3D T Tauri models and the vari-
ability of the hydrogen spectra produced at different viewing inclinations, azimuthal angles,
and wavelengths. In § 5.1, I present the models and the parameters used. § 5.2 analyzes
the spectra and considers their variability. In § 5.3 and § 5.4, I attempt to quantify the
changes in the Reipurth type and the width of the line profile in different rotational phases.
Finally, in § 5.5, we discuss the results and attempt to quantify whether the 3D geometry
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Figure 5.1: A cartoon showing the 3D accretion and wind model. The left-hand diagram shows
a side view of the magnetosphere and wind, indicating the offset magnetic axis. The right-hand
diagram gives a top-down view of the magnetosphere and indicates the azimuthal constraint iacc.
The labelled regionsA andB correspond to the same accretion funnels in the left and right diagram.
Note that the cartoons are not to scale, and the wind is not included in the right-hand cartoon.

may address the problems seen in Chapter 4.

5.1 3D model geometry

This chapter investigates the variability of hydrogen spectra induced by azimuthally struc-
tured accretion flows. To this effect, a magnetic axis offset b was introduced into the
fiducial T Tauri model used in Chapter 4. Fig. 5.1 shows a cartoon representation of
the magnetosphere and stellar wind model used in this chapter. The accretion flow takes
the shortest distance along the dipole field lines from the accretion disk to the stellar
surface. By default, TORUS creates two accretion curtains, one in either hemisphere,
with an azimuthal angular width iacc = 180◦. The stellar wind is mostly unchanged by
the dipole offset, moving along the dipole field lines until the specified opening angle Θsw

is achieved, at which point the wind’s velocity becomes radial.
This setup of the model is similar to the “A30” model used by Symington et al.

(2005a), who concluded that such a model produced spectra “sufficiently at odds with
spectroscopic observations that this form of MHD model may be rejected”. However,
despite the findings of Symington et al. (2005a), these models are extensively predicted by
magnetohydrodynamic simulations (e.g. Romanova et al. 2003; Long et al. 2011; Ireland
et al. 2021) and have been subsequently used to relatively successfully reproduce observed
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T Tauri spectral variability (e.g. Kurosawa et al. 2005; Alencar et al. 2012; Esau et al.
2014). Therefore, this chapter further explores this form of accretion and the line profiles
produced.

Table 5.1: The parameters of the 3D models.

Model log ¤"acc ¤"sw )acc iacc b

[M�yr−1] [ ¤"acc] [K] [deg] [deg]
0 −7 0.1 7500 180 10
1 −7 0.1 7500 90 10
2 −7 0.1 7500 30 10
3 −7 0.01 7500 30 10
4 −8 0.1 8500 30 10
5 −8 0.01 8500 30 10

In this chapter, I present six differentmodels all with amagnetic obliquity of b = 10◦,
the model parameters are shown in Table 5.1. Three models (0, 1, and 2) have an accretion
rate log ¤"acc = −7, a magnetospheric maximum temperature of 7500 K and a mass-loss
rate of 0.1 ¤"acc. These models explore the effect of the azimuthal width on the synthetic
spectra and have values of iacc = 180◦, 90◦, and 30◦, respectively. Model 3 has a lower
mass-loss rate of ¤"sw = 0.01 ¤"acc and was run to explore the effects of the stellar wind
where log ¤"acc = −7 and iacc = 30◦. The last two models (4 and 5) have a lower accretion
rate of log ¤"acc = −8, but a higher maximum accretion temperature of 8500 K. The
hotter temperature is so that the models can reproduce the typically observed HU strength
(Muzerolle et al. 2001). Models 4 and 5 have a narrow accretion curtain of iacc = 30◦

and different mass-loss rates of 0.1 ¤"acc and 0.01 ¤"acc, respectively. All of the models
have a slow rotation speed of 13.4 kms−1 (five per cent of their break of velocity) and
an isothermal wind temperature of 8000 K. All other input parameters are as defined in
Table 4.1.

For eachmodel, 30 different viewing angles around the model were chosen, using all
combinations of three colatitudes of 20◦, 60◦, and 80◦ at ten different azimuthal angles l
around the z-axis. At each position, synthetic spectra were computed for the four hydrogen
transitions HU, PaV, PaW, and BrW. The z-axis is the rotational axis or pole of the models.
Therefore, different values ofl are analogous to the rotational phase of the T Tauri model.
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Figure 5.2: HU surface brightness colour maps, which show model 4 at an inclination of 60◦ and
ten different phases. Below each image is the integrated line profile. The spectra are not continuum
normalised, and as the hot-spot rotates into view, the continuum level increases. The peak flux is
seen when the accretion columns are perpendicular to the line of sight.

5.2 Variability and morphology of 3D non-axisymmetric
spectra

The line profiles produced by the 3D non-axisymmetric models have a high degree of
phase variability and exhibit large changes in morphology when viewed from different
angles. The following sections outline the trends in variability and morphology seen in
the synthetic spectra. An example of rotational variability can be seen in Figs. 5.2 and
5.3. The figures show the synthetic images and line profiles of model 4with an inclination
of 60◦ for HU and PaV. The PaW and BrW lines are not shown as they are similar to
PaV. The line profiles are not normalised and share a common flux axis; the continuum

102



5.2. VARIABILITY AND MORPHOLOGY OF 3D NON-AXISYMMETRIC SPECTRA

Phase: 0.0

600 0 600

0.018

0.019

0.020

Phase: 0.1

600 0 600

Phase: 0.2

600 0 600

Phase: 0.3

600 0 600

Phase: 0.4

600 0 600

Phase: 0.5

600 0 600

0.018

0.019

0.020

Phase: 0.6

600 0 600

Phase: 0.7

600 0 600

Phase: 0.8

600 0 600

Phase: 0.9

600 0 600

10 6 10 5 10 4 10 3 10 2

Pa  Surface Brightness
[erg s 1cm 2Hz 1sr 1]

0.0 0.2 0.4 0.6 0.8 1.0
Velocity [kms 1]

0.0

0.2

0.4

0.6

0.8

1.0
Fl

ux
 [e

rg
cm

2 s
1 ]

Figure 5.3: The same model and inclination as as Fig. 5.2 but for the hydrogen transition PaV.

level increases as the hot spot rotates into view. The strongest emission is seen when
the accretion columns are aligned to be perpendicular to the line of sight, lessening the
magnetospheric absorption. The narrower the magnetosphere, the higher the gas density.
This increases the surface brightness of the accretion gas. For example, the HU surface
brightness of the magnetosphere with an accretion rate of log ¤"acc = −7 and iacc = 30◦ is
≈ 10 times greater than the photospheric surface brightness; a similar magnitude of surface
brightness as the hot-spot. As iacc increases, the strength of the magnetospheric surface
brightness decreases. For models 4 and 5 which have an accretion rate of log ¤"acc = −8,
the stellar continuum has a higher surface brightness than the magnetosphere. This is
always the case for the infrared lines, where the photospheric surface brightness is several
orders of magnitude greater than the line flux in all the models presented here.

Fig. 5.4 shows the complete atlas of the line profiles produced by the six models.
For each model, there are 120 spectra arranged by wavelength and inclination. The ten
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spectra produced at different phases are plotted. Phases 0.0 and 0.5 are shown in bold,
highlighting the phases when the magnetosphere is aligned with the observer. The HU
line shows more extended emission, originating further away from the star in regions of
more rarefied gas. This is especially apparent for the stellar wind, where PaV, PaW, and
BrW emission from the outflow is limited to within 1 – 2 stellar radii. However, blue-
shifted absorption and emission features are seen at an inclination of 20◦ in all the models
presented here.

5.2.1 Quantitative analysis of the variability of time-series spectra

A common metric used by observers to quantify the variability of time series spectra is
the temporal variance spectrum (TVS) (Fullerton et al. 1996). The method statistically
determines the variance at each velocity bin of the series of spectra using a weighted
function inversely proportional to the signal-to-noise level of the continuum. However,
given that our synthetic spectra have no continuum noise, an alternative method is used.
In this work, we quantify variance versus velocity using a range-normalised root mean
square deviation (RMSD) distribution. This is defined for the 8th velocity bin as

RMSD8 =

(
5̄8,max − 5̄8,min

)−1

√√√∑#
9

(
5̄8 − 58 9

)2

#
, (5.1)

where 5̄ is the mean line intensity across the # rotational phases. 58 9 is the flux in the 8th

velocity bin of the 9 th spectra. 5̄8,max and 5̄8,min are the maximum and minimum intensities
of the mean profile, respectively. Fig. 5.5 shows, for each inclination and wavelength,
the mean line profile, the RMSD distribution, and an image showing the quotient of the
spectra at each phase. The continuum level versus rotational phase is also plotted. The
minimum and maximum of the grey scale is given for each image. The flux of the mean
line profile is normalised by the continuum. The spectra of model 3 are shown in Fig. 5.5,
similar figures for models 0, 1, 2, 4, and 5 can be seen in Appendix B.

BrW exhibits the strongest spectral variability relative to the mean profile range. The
next strongest in decreasing order are PaW, PaV, and HU. The HU flux is significantly
greater than the infrared, and the percentage change in the profiles is smaller than the
relative change in the infrared lines. Generally, the largest variability is at the line centre
for all wavelengths and inclinations. For an inclination of 20◦, the RMSD distributions
of the lines exhibit three peaks: one at the rest velocity, one blue-shifted, and the other
red-shifted. These three points of increased variability are created by absorption from the
stellar wind and the magnetosphere. Because of the magnetic offset, the magnetosphere
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intersects with the line of sight to the hot-spot in phases 0.3 – 0.7, creating the red-shifted
RMSD peak. At 80◦, the magnetosphere rotates through the line of sight, increasing
the variability of red-shifted absorption and emission. Thus, the RMSD distribution is
red-shifted at this high inclination.

The synthetic continuum emission in the spectra is simulated only for the star,
hotspot and magnetosphere; see Chapter 2. Infrared continuum emission from the disk
is not included and the rotational phase changes in the continuum arise solely from the
hotspot and accretion column. The continuum level of the spectra increases when the
accretion hot-spot is visible, peaking at a phase of 0.5. For an inclination of 60◦, the hot-
spot on the star’s far side creates a secondary continuum peak at phase 0.0. The change in
the magnitude of the continuum is calculated according to the following equation

Δ< = −2.5 log10
5max
5min

. (5.2)

where 5max and 5min are the maximum and minimum continuum values in the series. The
change in the continuum near HU is dependent on the inclination; it increases at higher
colatitudes. For an inclination 20◦ and an accretion rate of log ¤"acc = −7, the continuum
near HU changes in magnitude by ≈ 0.28. However, at 80◦, the change in magnitude is
≈ 0.7. For the lower accretion rate of log ¤"acc = −7, the maximum magnitude change for
HU is ≈ 0.2 at 80◦ and half that at 20◦. The change in the magnitude of the continuum
near the infrared lines is smaller but follows a trend similar to HU. The mean changes in
the magnitude of the continuum near the infrared lines are: ≈ 0.16, ≈ 0.12, and ≈ 0.06
for PaW, PaV, and BrW, respectively.

5.2.1.1 Accretion and temperature comparison

The models 2 and 4 have the same geometry but different accretion rates and temperatures.
For the infrared lines, reducing the accretion rate increases the variability of the spectra
relative to the intensity of the line profile. At an inclination of 20◦, the peak value of
the RMSD for model 2 is ≈ 50 per cent of that for model 4. However, this decreases to
≈ 10 per cent at higher inclinations. There is a similar change in the variability of the HU
profiles but to a lesser extent. At 80◦, a difference of 40 per cent is observed between the
RMSD’s of the two models. Models 3 and 5 exhibit comparable trends in variability.

The increased variability seen in models 4 and 5, relative to 2 and 3, is red-shifted.
Whereas, the rotational variability of the blue-shifted side of the line profiles is unchanged
by the different accretion rates. The infrared line profiles of models 4 and 5 at a phase
of 0.5 and inclinations of 60◦ and 80◦ show no emission, only sub-continuum absorption;
see Fig. 5.4. This is because the line emission for PaV, PaW, and BrW is dominated by the
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magnetospheric absorption of the photospheric and hot-spot continua. On the other hand,
in the models 2 and 3, the higher accretion rate of log ¤"acc = −7 creates accretion funnels
with significant line emission that dominates the continuum absorption. For HU, there
is an increase in the rotational variability as the accretion rate decreases; however, at the
phases calculated, the line profiles all had emission components.

Models with accretion rates of log ¤"acc = −8 show significantly less change in
their continua than models with an accretion rate of log ¤"acc = −7. For instance, the
HU continuum magnitude change of models 2 and 4 at an inclination of 80◦ are ≈ 0.6
and ≈ 0.2, respectively. The differences in the continua are due to the stronger hot-spot
continuum emission, created by the higher accretion rate.

5.2.1.2 Geometry comparison

For the infrared lines, the smaller the azimuthal extent of the accretion curtain iacc, the
lesser the phase variability of the red-shifted emission. This is because the wider the
accretion column, the greater the proportion of red-shifted absorption at each rotational
phase. For example, stronger and more frequent red-shifted absorption features are seen
in model 0 than in model 2. In general, the larger the value of iacc, the broader the
RMSD spectrum. At an inclination of 60◦, the narrower accretion columns produce more
variability. Whereas, at 80◦, the wider accretion columns create a higher peak RMSD. For
HU, the effect of iacc on the RMSD spectra is negligible. The HU RMSD distributions
have strong red-shifted peaks at 80◦ and blue-shifted peaks at an inclination of 60◦. This
is due to the increased sensitivity of HU to the stellar wind.

The continuum levels of the HU spectra have a consistent variation and magnitude
change across the phases, independent of iacc. However, the wider the accretion columns,
the stronger the continuum is at all phases for the infrared lines. Additionally, the change
in magnitude of the continuum increases with iacc. At an inclination of 60◦, model 0 does
not show a secondary peak in the continuum at phase 0.0. This is because a hot-spot in
either the upper or lower hemisphere is visible at all phases.

5.2.1.3 Mass-loss rate comparison

Models 2 and 3 have different mass-loss rates of 0.1 ¤"acc and 0.01 ¤"acc, respectively.
Similarly, models 4 and 5 have the same ratios of mass loss to mass accretion rates.
The variability of the models increases as the mass-loss rate reduces. This effect is more
pronounced betweenmodels 2 and 3, which have the larger accretion rate of log ¤"acc = −7.
The wind absorbs emission from the magnetosphere and hot-spot, creating blue-shifted
absorption features in the line profiles. The wind’s emission and absorption decrease with
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lower mass-loss rates as the wind density reduces.

5.2.2 Correlation analysis of time-series spectra

A common method for analysing the often complex changes in the morphology of time-
series spectra are auto-correlation images. Using the technique pioneered by Johns (1994)
and Johns & Basri (1995), auto-correlation images or maps are created to examine the
correlation of the variability of each velocity bin with the rest of the spectra. This
correlation is quantified by the coefficient �8 9 for the 8th row and 9 th column as

�8 9 =
1
#

#∑
<=1

(
(<8 − (̄8

) (
(< 9 − (̄ 9

)
f8f9

. (5.3)

Where # is the number of spectra in the series and (<8 is the signal of the 8th velocity
bin of the <th spectra. f8 and (̄8 are the standard deviation and average values of the 8th

velocity bin across the series, respectively. The correlation coefficient has values in the
range of −1 to 1, the former representing areas of strong anti-correlation and the latter
strong correlation.

The auto-correlation maps are useful for visually determining what regions of the
spectra correlate with each other. Fig. 5.6 shows an example auto-correlation map for
model 2. The white areas represent correlation and the black anti-correlation. The auto-
correlationmaps for all six models can be seen in Appendix C. The images show a complex
correlation distribution dependent on the wavelength and inclination. In general, at an
inclination of 80◦, the red-shifted section of the spectra (> 0 kms−1) is anti-correlated with
the blue side of the line (< 0 kms−1). As the single accretion column rotates, it shifts from
being blue-shifted to red-shifted, translating the peak emission from negative to positive
velocity. Another trend is that the width of the blocks of correlation and anti-correlation
increases with the inclination. This is because for the higher inclinations there is greater
line-sight velocity from the accretion flow.

At an inclination of 20◦, models 0 to 3 exhibit a red-shifted band (≈ 100 kms−1 to
150 kms−1, the width and position vary betweenmodels) of anti-correlation with the entire
profile. The anti-correlation band arises because the accretion column is orientated such
that at certain phases, it absorbs emission from the photosphere and hot-spot. This causes a
narrow absorption band to appear in the line profiles as the overall line emission increases
simultaneously. This effect is not seen in models 4 and 5, where the lower accretion
rate reduces the column density, decreasing the absorption and emission properties of
the magnetosphere. Furthermore, at 20◦, many of the images show an anti-correlation
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Figure 5.6: Auto-correlation maps for model 2. White areas correspond to a strong correlation and
black areas strong anti-correlation. The images are symmetrical along the x-y diagonal. The maps
are arranged by wavelength and inclination. The PaV, PaW, and BrW lines share similar patterns for
each inclination. For instance, at 80◦, the red side of the infrared lines is anti-correlated with the
blue side.

between the line centre (±25−50 kms−1) and the wings. This effect is not seen as strongly
in the HU profiles, which more commonly show a blue-shifted anti-correlation.

The above evaluation is intended to provide only a rudimentary analysis of these
correlation maps, and a complete analysis is beyond the scope of this thesis. I discuss the
auto-correlation maps and briefly compare them with those from literature in § 5.5.

5.3 Inverse P-Cygni profiles

One of the problems with the grid of synthetic line profiles presented in Chapter 4 was that
≈ 90 per cent of the infrared line profiles were classified as type IVR (inverse P-Cygni).
This is a significantly greater value than the observed frequency of inverse P-Cygni profiles
(≈ 35 per cent) seen in both in our sample of T Tauri stars and that of Folha & Emerson
(2001). In Chapter 4, it was proposed that a possible method to reduce the frequency
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of the inverse P-Cygni profiles was to use non-axisymmetric accretion. It was postulated
that the induced rotational variation from such a model might reduce the frequency of
the red-shifted sub-continuum absorption. To quantify this effect, I used a Python script
to classify the spectra at each phase into the types defined by Reipurth et al. (1996). In
Chapter 4, the strongest absorption feature was used to distinguish between types IVR
and IVB for profiles that contained both red and blue-shifted absorption. Whereas, in
this section, only type IVR profiles are considered, and as such, any spectra that contain
red-shifted sub-continuum absorption are classified as IVR. Fig. 5.7 shows two histograms
(optical and infrared) representing the fraction of inverse P-Cygni profiles seen in our
synthetic spectra at different phases. The bars are sub-divided by the azimuthal extent
of the accretion column iacc. It is immediately apparent that the occurrence of inverse
P-Cygni profiles is centred around phase 0.5, where the magnetosphere is directly in the
observer’s line of sight. The maximum fraction of spectra from all six models that show
red-shifted sun-continuum absorption at any given phase is 0.5 for HU and 0.23 for the
combined infrared lines. For HU (optical), the red-shifted sub-continuum absorption is
only seen in our spectra at phases of 0.4 – 0.6. The type IVR HU profiles primarily come
from models 4 and 5 where the accretion rate is log ¤"acc = −8. The lower accretion rate
reduces the influence of Stark broadening on the line profiles.

For the infrared lines PaV, PaW, and BrW, the distribution of inverse P-Cygni profiles
is centred around a phase of 0.5. Models 0, 1, 2, and 3 have a total proportion of inverse
P-Cygni profiles of 0.47, 0.29, 0.13, and 0.17, respectively. As the value of iacc decreases,
the phases at which the magnetosphere intersects the line of sight are reduced. This can
be seen in Fig. 5.7, where the inverse P-Cygni profiles are predicted for the phases 0.2
– 0.8 for iacc = 180◦. Whereas, the inverse P-Cygni profiles occur only between phases
0.3 to 0.7 for iacc = 90◦ and 30◦. The lower accretion rate models 4 and 5 have a total
proportion of infrared P-Cygni profiles of 0.49 and 0.5, respectively. In these models,
the fraction of inverse P-Cygni profiles is produced equally between the phases 0.3 to
0.7. The lower accretion rate produces less line emission, increasing the absorption of
the continuum. There is also evidence to suggest that reducing the mass-loss rate from
0.1 to 0.01 ¤"acc increases the proportion of inverse P-Cygni profiles; however, additional
models are needed to verify this result.

The mean fractions of infrared inverse P-Cygni profiles for all phases and models
are 0.44, 0.41, and 0.16 for the inclinations 80◦, 60◦, and 20◦, respectively. For HU,
inverse P-Cygni profiles are only predicted at inclinations of 80◦ and 60◦ and both with a
mean fractional occurrence of 0.08.
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Figure 5.7: The fraction of synthetic line profiles with inverse P-Cygni features for all models
and inclinations at the ten different phases. The left-hand figure shows the fraction for HU and
the right-hand figure for the infrared lines. The fraction is subdivided by the azimuthal extend of
the accretion column. The wider the accretion funnel, the more phases contain inverse P-Cygni
features. The most significant fraction occurs at a phase of 0.5 when the near-side accretion column
is between the observer and the star.

5.4 Variability of the line profile widths

In Chapter 4, it was seen that the synthetic spectra grid could reproduce the observed
HU line widths. However, the same models produced infrared lines that, on average,
had HW10% approximately 80 kms−1 narrower than the observed T Tauri spectra. This
section considers how the widths of the line profiles change when the 3D models are
rotated. We quantify the width using the HW10% and the equivalent width.

Fig. 5.8 shows two polar plots displaying the HW10% (radius) at different angles
around the z-axis for HU and PaV. The line profiles from models 2–5 were determined for
an inclination of 60◦. The greyed sections indicate the location of the accretion columns;
the darker section is the column on the near side of the disk. In the figure, it can be seen
that the narrowest spectra occur when the magnetosphere is directly in the line of sight, an
angle of l = 180◦ corresponding to a phase of 0.5. The narrowing of the line is caused
by the increased continuum absorption of the magnetosphere. However, for an accretion
rate of log ¤"acc = −7 and mass-loss rate of 0.1 ¤"acc, the narrowest PaV spectra occurs
at l = 72◦ and 252◦. This is where the accretion columns are side on, minimising the
velocity component of the accreting gas relative to the viewing angle.

Fig. 5.9 shows the residual change of the HW10% and the equivalent width of the
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Figure 5.8: Polar plots showing the HW10% (radius) at different phases for HU (top) and PaV
(bottom). The plots show spectra observed at an inclination of 60◦ from models with iacc = 30◦.
The dark grey section indicates the near side magnetosphere, and the light grey is the far side.
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HU and infrared spectra. The residual is calculated by subtracting the smallest width from
the phase series. The figure shows the mean change and the minimum and maximum
ranges. As the azimuthal extent of the accretion column decreases, so does the change
in the infrared HW10%. Reducing the accretion rate of the models, increases the change
in the infrared HW10% by ≈ 2 times and reduces the change seen in HU by 100 kms−1.
The change in the HU HW10% in model 3 is significantly greater than in model 2, the
only difference being a lower rate of mass loss. However, there is a negligible difference
between the HW10% residuals of models 4 and 5. Therefore, the change in HW10% is
coupled with the accretion and mass-loss rates. Spectra produced at a low inclination
(20◦) exhibit the least change in HW10%. Changes in equivalent width follow trends
similar to those of HW10%. Decreasing iacc, increases the change in the equivalent width
at different phases, as does increasing the accretion rate.

The HW10% is narrowest for HU and the infrared lines when the magnetosphere is
between the observer and the star; a phase of 0.5. Whilst this orientation should give the
largest width due to the magnetospheric velocity, the absorption from the accretion funnel
dominates and significantly reduces the line width. The broadest infrared HW10% occurs
at a phase of 0.0, when the near-side accretion column is on the star’s far side. The same
is true for the HU spectra produced by models with an accretion rate of log ¤"acc = −8.
However, when the accretion rate is log ¤"acc = −7, a secondary HW10%minimum occurs
at a phase of 0.0 caused by increased absorption of emission from the accretion curtain by
the stellar wind. The effect is more noticeable at higher mass-loss rates because the wind
is denser, and lower values of iacc which increases the surface brightness of the accretion
funnel.

Similar to the HW10%, the equivalent width is narrowest when the near-side mag-
netosphere is directly aligned with the observer at a phase of 0.5. The absorption features
and continuum level are maximised in this orientation, reducing the equivalent width.
When iacc = 180 and the inclination is 20◦ or 60◦, the broadest equivalent width is
seen at a phase of 0.0 when the accretion funnel is behind the star. In this orientation,
the maximum velocity broadening is obtained from the accretion flow, absorption by the
magnetosphere and wind are minimised, and there is no increase in the continuum level.
However, a secondary equivalent width minimum forms at a phase of 0.0 as iacc decreases.
This secondary equivalent width minimum does not appear in the spectra produced for
an inclination of 20◦ when log ¤"acc = −7. The secondary equivalent width minima are
caused by a combination of strong absorption features and an increase in the continuum
levels due to the visibility of the far-side hot-spot. In models 4 and 5, where log ¤"acc = −8,
the secondary equivalent width minimum is seen for all inclinations. This is because of
the deep absorption features seen in the spectra produced by these models at a phase of
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0.0. The equivalent width at a phase of 0.0 is correlated with the inclination, accretion
rate, mass-loss rate, and the azimuthal extent of the magnetosphere.

The width variability of the infrared lines is at least dependent on the accretion rate,
mass-loss rate, and inclination. From our models, it can be seen that changes in the line
HW10% of up to ≈ 240 kms−1 are possible by introducing non-axisymmetric accretion
flow. However, both the infrared lines and HU get broader when the accretion flow is not
in the line of sight. For an accretion rate of log ¤"acc = −7, the majority of the HU spectra
are broadened more than the infrared lines. On the other hand, when log ¤"acc = −8,
the infrared lines are broadened more than HU; this may be due to the effect of Stark
broadening. Therefore, while the non-axisymmetric accretion flow broadens the infrared
lines sufficiently to account for the HW10% disparity observed in Chapter 4, the effect
also broadens HU shifting the distributions out of agreement with the observations.

5.5 Discussion

The six 3D models presented in this chapter provide a preparatory study into the spectral
modulation caused by the rotation of non-axisymmetric T Tauri models. The parameters
are not adjusted to fit any specific observations but are taken as illustrative cases from
the synthetic grid described in Chapter 4 and magnetohydrodynamic simulations (e.g.
Romanova et al. 2003; Long et al. 2011; Alencar et al. 2012; Ireland et al. 2021). This
chapter builds on the work of Symington et al. (2005a) and Kurosawa et al. (2008), who
presentedmodels with accretion columns in alternate hemispheres. This chapter augments
previous radiative transfer studies by including a mass outflow in the T Tauri models in
the form of a polar stellar wind.

The 3D models produced spectra with similar profile characteristics and morpho-
logical variability to that seen in T Tauri observations, (e.g. McGinnis et al. 2020; Alencar
et al. 2018). From the limited number of models presented, it is apparent that the synthetic
spectra’s rotational phase modulation depends on the magnetospheric temperature and ac-
cretion rate, inclination, wavelength, and mass-loss rate. Our results show that decreasing
the accretion rate increases the line variability; the line profiles of model 4 and 5 have a
greater relative change than models 0 – 3. In contrast, Johns & Basri (1995) showed that
for their sample of seven T Tauri stars, the profile variance increased with the accretion
rate. Further radiative transfer models are needed to unravel the effects of the accretion
rate and magnetospheric temperature.

The primary variability of the synthetic spectra lies near the line centre. However,
the red-side line variability is generally more significant than that on the blue-side due to
strong emission and absorption by the magnetosphere. Alencar et al. (2001) noted that
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Figure 5.9: Plots showing the residual change in HW10% (left) and the equivalent width (right)
of HU (pink) and the infrared lines PaV, PaW, and BrW (black). The mean change for all the
inclinations and wavelengths is illustrated by the solid line and the maximum and minimum range
denoted by the shaded area. The x-axis shows two full phases from −0.5 to 1.5.
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for the pole-on spectra of DR Tau, the hydrogen line variability was mostly blue-shifted.
In our models, spectra produced at a low inclination (pole-on) have increased blue-shifted
variance due to the stellar wind. The spectral variability seen in the models depends on the
mass-loss rate, and a lowermass loss relative to the accretion rate significantly increases the
spectral variability. Additionally, at high inclinations, the azimuthally constrained mag-
netosphere changes from being blue-shifted to red-shifted, creating substantial variability
on both sides of the synthetic spectra.

An analysis of the correlation between different components of the line profiles was
undertaken using auto-correlation images. The images reproduced share similar patterns
to those created by radiative transfer models from literature (Symington et al. 2005a and
Kurosawa et al. 2005). Models 1, 2, and 3 showed an anti-correlation between the red
and blue sides of the spectra. This is caused by the rotation of the magnetosphere through
the line of sight. Similar features can be seen in some cross-correlation maps of observed
spectral series (e.g. Pouilly et al. 2020; Alencar et al. 2012; Oliveira et al. 2000). In
Alencar et al. (2018), the authors noted that the HU line centre was anti-correlated to the
high-velocity blue wing; a feature they could not explain. A similar anti-correlation is
seen in the HU maps of models 4 and 5 at inclinations of 60◦ and 80◦. In our models,
this relationship is caused by the rotation of the narrow magnetosphere. The maximum
line intensity is achieved when the accretion flow is perpendicular to the line of sight,
minimising absorption by the magnetosphere. At this point, the line intensity is centred
because the velocity components of the accretion flow relative to the observer are at a
minimum. When the accretion column is on the far side of the star, the dominant line
emission source is from the magnetosphere and is strongly blue-shifted as it falls towards
the star. The emission from the near side accretion column is predominately blocked
by the disk. As the star rotates, the accretion column emission becomes red-shifted;
simultaneously, the red-shifted absorption of the line and continuum increase. These
effects work in tandem to maintain a peak line centre close to zero. Additionally, as the
hot-spot becomes visible, the blue-shifted sub-continuum absorption from the stellar wind
increases, further decreasing the blue-side emission strength. Combined, these effects
produce correlation maps that show the line centre to be anti-correlated with the blue-
side wing. Although this may not be the cause of the correlation seen in Alencar et al.
(2018), it is useful to see how the correlation images may be used to diagnose the complex
phenomenon seen in the time-series variability of T Tauri spectra.

In Chapter 4, it was shown that the primary problem with the synthetic line profile
grid was that the infrared line widths were too narrow when compared to the observed
spectra. One of the proposed solutions was that non-axisymmetric accretion might lower
the frequency of synthetic inverse P-Cygni profiles. In § 5.3, we saw that the mean
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occurrence rate of infrared inverse P-Cygni profiles in all models and inclinations was
≈ 34 per cent. This is considerably lower than predicted for axisymmetric models (see
Chapter 4) and similar to the observed frequency. These sub-continuum absorption
features depend on the phase, inclination, accretion rate, and columnwidth. The associated
predicted phase-modulated change in the width of the spectra was similarly dependent on
the model, wavelength, and inclination. The models produced changes in the infrared
HW10% of up to 170 kms−1 with a mean change of ≈ 60 kms−1. These values could
account for the disparity of width seen between the synthetic and observed infrared lines.
However, both the width of the infrared and HU lines change concurrently. Therefore,
while the infrared widths can be brought into agreement with the observed range of
HW10%, the HU spectra are shifted out of accord with the observed range. For models
with log ¤"acc = −7, the HU lines change more than the infrared lines, probably due to the
effect of Stark broadening. At a lower accretion rate of log ¤"acc = −8, the infrared lines
show a greater change in width over the phase. Further study should be undertaken to
explore this effect for a wide range of accretion rates and temperatures to determine how
the ensemble of models behave.

Lastly, themodels suggested that theminima of the equivalentwidth and theHW10%
occur when the velocity broadening should be at its highest. In addition, a secondary
minimum of width occurs at a half phase from the narrowest width. This secondary
reduction in width is created by combinations of an increased continuum level and stronger
absorption from the accretion flow and wind. The feature is strongly dependent on the
inclination, accretion rate, mass-loss rate, and the azimuthal extent of the accretion column.
Time-series spectroscopic surveys of T Tauri stars may provide observational evidence of
this predicted feature.

Summary

In conclusion, this chapter presents a preparatory radiative transfer study of six 3D T Tauri
models that include non-axisymmetric accretion and polar stellar winds. The models
exhibit patterns of variability, correlation, and morphology, as seen in observations and
previous theoretical studies. The models produce a phase modulation of the HW10%
and equivalent width within a range similar to that observed (e.g. Alencar et al. 2012).
Furthermore, the 3D models predicted two points of minimum equivalent width and
HW10% created by the interplay of absorption and continuum level. Further work needs
to be undertaken to create a more extensive set of synthetic spectra from 3D models and
to compare them to existing or new times-series of hydrogen spectra.
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Chapter 6

Conclusions and Future Outlook

Radiative transfer simulations present an invaluable tool for understanding the complex
and variable spectroscopic observations of T Tauri stars. While modern radiative transfer
codes are well tested and understood, the exact form the T Tauri models should take
remains an enigma. Magnetospheric accretion is the accepted paradigm for circumstellar
accretion, but the heating mechanisms and geometry of the funnel flow are still poorly
constrained. Observations show that there are mass outflows from T Tauri stars, but it is
still unknown whether the dominant flows come from the star, disk, or magnetosphere.
These unknowns lead to a large number of free parameters in T Tauri radiative transfer
simulations and degeneracy of the synthetic spectra produced as similar spectra can be
created with multiple different inputs. Our theoretical understanding of T Tauri stars is
refined by constraining the radiative transfer input parameters. This is vital for providing
better observational diagnostic tools and for developing our theory of T Tauri stellar
evolution. Understanding how T Tauri stars accrete matter, drive outflows, and manage
the angular momentum problem is integral to establishing how low-mass stars evolve and
produce planetary systems.

Radiative transfer studies in the literature have produced synthetic atomic spectra
similar to the observed line profiles from T Tauri stars. A significant limitation to these
studies is that they are plagued by a plethora of free parameters and unknowns. For
instance, radiative transfer simulations show that the line profiles are susceptible to the
temperature distribution of the accretion funnel. However, the heating mechanism of the
accretion funnel is unknown. Current simulations use a model proposed by Hartmann
et al. (1994) that is based on a volumetric heating rate balanced by radiative cooling.
Furthermore, there are few modern radiative transfer studies of T Tauri stars, despite an
increase in the availability of high-resolution spectroscopy. To address this, in this thesis, I
have presented new developments to a state-of-the-art radiative transfer code TORUS and



the associated T Tauri model, which includes a polar stellar wind.
Nominally, this thesis uses the radiative transfer code TORUS and verifies the

atomic hydrogen line transfer calculations for a 2.5D and 3D non-axisymmetric T Tauri
model. However, the work also builds on T Tauri radiative transfer studies from the
literature, implementing a more physically realistic stellar wind geometry and comparing
the synthetic line profiles to multiple simultaneously observed hydrogen transition lines.
Through this comparison, it was shown that current radiative transfer models could not
concurrently reproduce the observed HU and infrared spectra. This led to the exploration
of several modifications to the T Tauri model and the initial investigation into a set of
3D non-axisymmetric models, including a polar stellar wind. The 3D radiative transfer
study led to several T Tauri rotational variability predictions, preparing the field for further
study. Moreover, the thesis presents an atlas of HU, PaV, PaW, and BrW line profiles for a
broad range of accretion rates, mass-loss rates, temperatures, and viewing inclinations.

During thework of this thesis, the non-LTE atomic statistical equilibrium calculation
routines of TORUSwere verified by reproducing results similar to those of Kurosawa et al.
(2006). Furthermore, the polar stellar wind model was tested against the wind models
of Kurosawa et al. (2011). The more physically realistic wind model presented in this
thesis produced spectra noticeably different from the results seen in the literature. Notably,
compared to Kurosawa et al. (2011), our model produced a greater HU emission close to
the line centre and deeper blue-shifted sub-continuum absorption features in the infrared
lines. This justifies using the more complex stellar wind, and I suggest that future radiative
transfer studies implement a similar wind model.

Using TORUS and the T Tauri model, I compared a large grid of synthetic hydrogen
line profiles to a set of spectra from29TTauri stars observedwith theX-Shooter instrument
on VLT. Due to the broad wavelength range of X-Shooter, I was able to compare the
simultaneously observed HU, PaV, PaW, and BrW line profiles with synthetic spectra of
the same hydrogen transitions. T Tauri stars are spectroscopically variable; therefore, if
multiple lines are to be compared accurately, they must be observed concurrently. Whilst
the ensemble of HU line profiles produced spectra with the same range of widths and
morphologies as seen in the observations, the infrared lines (PaV, PaW, and BrW) created
profiles that had a mean HW10% narrower than the observed spectra by ≈ 80 kms−1.
Moreover, the synthetic infrared spectra showed an extremely high frequency (≈ 90 per
cent) of inverse P-Cygni profiles, whereas the observed prevalence is ≈ 30 per cent (e.g
Folha & Emerson 2001). A caveat to this comparison is that the observed sample of
T Tauri stars is statistically ambiguous. This is because the sample is comparatively
small and the simulation grid was not designed to directly probe the parameter space
covered by the observations. However, the sample does show a very similar distribution of

125



CHAPTER 6. CONCLUSIONS AND FUTURE OUTLOOK

Reipurth types, as seen in other studies (e.g Reipurth et al. 1996; Folha & Emerson 2001).
Furthermore, the observations highlight that the majority of lines should be symmetrical,
and only approximately 25 per cent of infrared lines should show inverse P-Cygni profiles.

To increase the width of the infrared line profiles and reduce the frequency of inverse
P-Cygni profiles, we explored three modifications to our radiative transfer model. Firstly,
it was shown that the broadening of the line profiles due to the stellar rotation has a
negligible effect on the synthetic spectra unless the rotation rate is a significant proportion
of the stellar break-up velocity. Secondly, I investigated whether small-scale motions in the
accretion and wind flows could increase the width of the infrared line profiles. To do this, I
incorporated the small-scale motions as turbulence using a Maxwell–Boltzmann velocity
distribution. While increasing the turbulence could broaden the lines to the observed range,
there was no physical justification for the large value of turbulence required (∼ 100 kms−1).
Moreover, the resulting line profiles were boxy (broad peaks and bases), a morphology not
commonly observed in T Tauri spectra. Lastly, I considered whether the high frequency of
inverse P-Cygni profiles decreased the mean ensemble width of the infrared line profiles.
For the inclinations of 60◦ and 80◦, it was shown that considering only the blue side of
the line profiles, the mean HW10% increased by 48 kms−1. However, at an inclination
of 20◦ (within the wind opening angle), the widths decreased when only the blue-side
emission was considered due to greater absorption by the stellar wind. Therefore, it
was concluded that, independently, none of the above modifications could fully bring
the synthetic infrared lines into an agreement with the observed range of profile widths.
Nevertheless, the combination of rotation, turbulence, and a reduced inverse P-Cygni
frequency may be sufficient to explain the discrepancy in the widths of the spectra.

The high frequency of inverse P-Cygni profiles can be reduced by introducing
non-axisymmetric accretion flow. For instance, if there is an obliquity to the magnetic
field so that it is misaligned with the stellar pole, the accretion funnel will favour one
hemisphere. In fact, the accretion column may prefer to flow in one hemisphere even
when the magnetic and rotation axes align (Ireland et al. 2021, 2022). If the accretion
column is non-axisymmetric, the line and continuum emissions are expected to vary as the
star rotates. This has previously been shown in several radiative transfer simulations, for
example, Symington et al. (2005a), Kurosawa et al. (2005), and Kurosawa et al. (2008).
In this thesis, I expanded upon the literature by including a stellar wind in the 3D models,
analysing the effect of mass loss and accretion rate, and quantifying the change in profile
morphology. It was seen that on average, inverse P-Cygni profiles occur only in ≈ 34 per
cent of the infrared profiles and, as expected, are phase-dependent. This is close to the
observed frequency of inverse P-Cygni profiles (Folha & Emerson 2001).

I showed that, by using fiducial 3D radiative transfer T Tauri models, I could produce
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synthetic hydrogen spectra that had similar morphologies and time-series variation as
seen in observations. The rotational variability of the line profiles is dependent on the
wavelength, inclination, accretion rate, and mass-loss rate of the models. As the accretion
rate decreased, the change in the line profiles in different phases increased. The phase
change in HW10% and the equivalent width of the synthetic line profiles are similar in
range to the observed time-series data. The auto-correlation maps produced for our line
profiles agree with the general areas of correlation and anti-correlation seen in previous
radiative transfer studies and some observations. The auto-correlation maps also allowed
me to make a prediction as to the origin of the anti-correlation between the high-velocity
blue wing of HU and its line centre observed in LkCa 15 (Alencar et al. 2018). The mean
change in HW10% of the infrared lines is ≈ 60 kms−1, less than the necessary width
increase seen in Chapter 4. Only six models are presented, and the maximum change
in the infrared HW10% over the rotational phase is ≈ 170 kms−1. However, both the
infrared and HU spectra are broadened concurrently. This shifts the infrared lines into
better agreement with the observed range of widths while simultaneously making the HU
profiles too wide. The effect is exacerbated by Stark broadening. A more extensive set
of models is needed with a wide range of accretion rates temperatures to determine if a
non-axisymmetric geometry can solve the narrow infrared lines.

In conclusion, the 3Dmodels presented in this thesis build on the work of Symington
et al. (2005a) and Esau et al. (2014) by focusing on a magnetospheric geometry with accre-
tion columns in alternate hemispheres and exploring this paradigm for a range of accretion
rates and azimuthal extents. Furthermore, the models also include a non-axisymmetric
stellar wind, the mass-loss rate of which has a significant effect on the spectral variability
and line correlations. Lastly, the models predict line width and morphology variations,
which could be verified with current or future time-series data. Specifically, it would
require a time-series monitoring of T Tauri stars (e.g. Sousa et al. 2021; Pouilly et al.
2020; Alencar et al. 2018) over a few rotation periods using a high spectral resolution and
broad wavelength coverage, ideally producing flux-calibrated spectra.

The observed PaV to BrW flux ratio for T Tauri stars, both in our data and in that
of Muzerolle et al. (2001), is constant across a wide range of accretion rates. I showed
that for the models to produce synthetic line profiles with a PaV to BrW flux ratio similar
to the observed stars, the magnetospheric temperature must increase as the accretion rate
decreases; this confirmed the results of Muzerolle et al. (2001). Finally, it was seen that
the frequency of the P-Cygni profiles was correlated not just with the mass-loss rate but
with the ratio of mass loss to mass accretion. This is because the increased emission
from higher accretion rates masks the blue-shifted absorption. A further effect seen in our
synthetic hydrogen profiles is that, despite the larger optical depth of HU, the frequency
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of the P-Cygni profiles was higher in the infrared hydrogen lines.
In summary, in this thesis, I demonstrate that the T Tauri axisymmetric radiative

transfer models cannot simultaneously reproduce the observed distributions of width and
morphology for HU, PaV, PaW, and BrW. The addition of rotation and turbulence to
the fiducial models cannot sufficiently broaden the infrared lines, while the rotation and
turbulent velocities are constrained to physically realistic values. By introducing a non-
axisymmetric magnetosphere, the half-widths of the synthetic spectra can be increased
by a mean of 50 per cent. However, both the infrared and HU lines are broadened
simultaneously. Finally, from the radiative transfer simulations, several predictions have
been made. For instance, the frequency of P-Cygni profiles, the sensitivity of the hydrogen
spectra to a stellarwindmass-loss rate, and the variability of theHW10%and the equivalent
width. Although there are still improvements to be made with the models developed in
this thesis, the research presented shows the current state of the modern radiative transfer
simulations and pushes the field closer to a better understanding of T Tauri spectroscopy.

6.1 Future Outlook

As this thesis has demonstrated, while radiative transfer simulations can provide valuable
insight into the radiative emission of T Tauri stars, some phenomena are challenging
to reproduce. The first and most tempting recourse is to throw more physics into the
computational melting pot. However, the radiative transfer models of T Tauri stars already
suffer from a surfeit of free parameters. Adding further elaborations has the potential to
increase the degeneracy of the simulated emission without adding any real insight into
the origins of the observed spectra. Moreover, given a sufficient number of parameters, a
model can be constructed to fit any observed spectra. Therefore, the addition of further
complexity to T Tauri radiative transfer models must be done carefully and, if possible,
with observational and theoretical constraints.

Nevertheless, several areas of improvement and research should be investigated in
future radiative transfer studies. These can be broadly split into two categories: observa-
tions of T Tauri stars to add constraints to the models and developments to the radiative
transfer simulations. Future radiative transfer models would benefit from constraints
gained from the following comparison, either from pre-existing data or new observations.

• Further comparisons should be made between synthetic line profiles and large data
sets of high-resolution, optical, infrared, and UV spectra. For example, from the
GIARPS infrared spectrometer. Simultaneous observations of multiple atomic tran-
sition lines are desirable to remove uncertainty from the spectral variability. Further-
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more, as an improvement over the spectra presented in this thesis, the observations
should be corrected for veiling and extinction. This would allow for comparisons
between the flux and the equivalent width of the observed and synthetic data.

• High-cadence time-series spectroscopy of T Tauri stars is necessary for constraining
the 3D non-axisymmetric magnetospheric radiative transfer models. The observa-
tions should be used to test predictions such as the variability of the equivalent width
and the HW10%.

• Spectro-interferometry surveys and spectro-astrometry of T Tauri spectra could
probe the geometry of the magnetosphere and winds by providing sub-seeing spatial
information. This may add constraints to the size and location of line-forming
regions around the T Tauri star.

• Observations characterising the surfacemagnetic fields of T Tauri stars, for example,
ZDI maps, may further constrain the magnetospheric geometry.

Future radiative transfer models should attempt to reduce the degeneracy of the synthetic
spectra and further curtail their free parameters by constraints based on T Tauri observa-
tions. However, subsequent studies should consider the following areas of research.

• In this thesis, I considered the four hydrogen transition lines of HU, PaV, PaW,
and BrW. However, future work would benefit from modelling more lines in both
hydrogen and helium. For example, the He I _10830 Å triplet, is optically thick and
very sensitive to absorption from winds and the magnetosphere (e.g. Kwan et al.
2007). To this end, TORUS already contains much of the necessary code to extend
the models to the helium lines, making this an ideal project for future work.

• An outstanding issue with the T Tauri model is the unknown heating mechanisms
of the accretion column and its temperature distribution. Martin (1996) developed
a self-consistent theory of heating using adiabatic compression, but it was shown
by Muzerolle et al. (1998b) that it did not produce line profiles in agreement with
the observations. Therefore, it is imperative that work is undertaken to create a self-
consistent theory of heating in the accretion column. Codes such asTORUS can then
be used to test heating mechanisms by performing radiative equilibrium calculations
to determine magnetospheric temperature distributions and emission.

• Further radiative transfer simulations may benefit from including continuum emis-
sion from dust in the circumstellar disk, which is an important factor for infrared
lines, in particular, BrW.
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• The model presented in this thesis considers the hot-spot as producing only contin-
uum emission. However, line emission is expected from these regions (e.g. Dodin
2018) and its inclusion may be significant in the simulated spectra.

• The models could be used to create synthetic spectro-astrometric and spectro-
interferometric observations to give insight into the spatial separation and orientation
of the line emission regions.

• Spectropolarimetry has been used to show that the T Tauri emission lines originate
from within a structured magnetic field (e.g. Symington et al. 2005b). A possible
extension to such observations is to use the radiative transfer simulations to compute
the Stokes vectors. Adding a magnetic field configuration to the grid (e.g. from
magnetohydrodynamic models) would allow for the simulation of synthetic circular
spectropolarimetry and more accurate diagnostics of observed magnetic fields.

Finally, several studies of T Tauri line emission have used the output of a magne-
tohydrodynamic simulation to map the density and velocity distributions onto a radiative
transfer grid to produce synthetic line profiles (e.g. Kurosawa et al. 2008; Kurosawa &
Romanova 2012; Alencar et al. 2012). These forms of simulation offer the benefits of
both dynamic and radiative modelling. However, the temperature distributions of the
magnetohydrodynamic models are not realistic, as they lack a comprehensive treatment of
radiative heating and cooling. Therefore, these models have to use modified temperature
distributions based on radiative transfer models such as the one presented in this thesis.
Future radiative transfer studies should incorporate the velocity and density distributions
of magnetohydrodynamic simulations. For instance, by using multiple time slices of
magnetohydrodynamic simulations, such models could study the time-series variability
induced by fluctuating accretion, winds, and magnetospheric ejections.
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Appendix A

Atlas of Line Profiles from the
Axisymmetric Accretion Models

The full set of line profiles that are generated in Chapter 4 using an 2.5D axisymmetric T
Tauri model.
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APPENDIX A. ATLAS OF LINE PROFILES FROM THE AXISYMMETRIC ACCRETION MODELS
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APPENDIX A. ATLAS OF LINE PROFILES FROM THE AXISYMMETRIC ACCRETION MODELS
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Appendix B

Spectral Variability Figures

Figures showing the mean line profile, the RMSD, the continuum level, and quotient
spectra for the 3D non-axisymmetric models presented in Chapter 5.



0.
00

0.
02

0.
04

RMSD

H

0.
0

0.
1

0.
2

0.
3

0.
4

0.
5

0.
6

0.
7

0.
8

0.
9

Phase
M

ax
 1

.7
3

M
in

 0
.4

0

0510

Flux

0.011
0.017
0.023

0.
00

0.
06

0.
12

Pa

0.
0

0.
1

0.
2

0.
3

0.
4

0.
5

0.
6

0.
7

0.
8

0.
9

M
ax

 1
.3

4
M

in
 0

.6
2

0.
6

1.
2

1.
8

0.018
0.024
0.030

0.
00

0.
04

0.
08

Pa

0.
0

0.
1

0.
2

0.
3

0.
4

0.
5

0.
6

0.
7

0.
8

0.
9

M
ax

 1
.2

6
M

in
 0

.6
9

12

0.020
0.026
0.032

0.
0

0.
1

0.
2

Br

0.
0

0.
1

0.
2

0.
3

0.
4

0.
5

0.
6

0.
7

0.
8

0.
9

20

M
ax

 1
.3

5
M

in
 0

.6
1

1.
0

1.
5

2.
0

0.018
0.024
0.030

0.
00

0.
05

0.
10

RMSD

0.
0

0.
1

0.
2

0.
3

0.
4

0.
5

0.
6

0.
7

0.
8

0.
9

Phase

M
ax

 1
.1

6
M

in
 0

.6
8

36

Flux

0.008
0.014
0.020

0.
0

0.
1

0.
2

0.
0

0.
1

0.
2

0.
3

0.
4

0.
5

0.
6

0.
7

0.
8

0.
9

M
ax

 1
.1

6
M

in
 0

.8
1

0.
9

1.
2

1.
5

0.017
0.023
0.029

0.
00

0.
08

0.
16 0.
0

0.
1

0.
2

0.
3

0.
4

0.
5

0.
6

0.
7

0.
8

0.
9

M
ax

 1
.1

7
M

in
 0

.8
2

1.
0

1.
5

2.
0

0.019
0.025
0.031

0.
0

0.
1

0.
2

0.
0

0.
1

0.
2

0.
3

0.
4

0.
5

0.
6

0.
7

0.
8

0.
9

60

M
ax

 1
.1

8
M

in
 0

.8
3

1.
00

1.
25

1.
50

0.017
0.023
0.029

0.
00

0.
06

0.
12

RMSD

0.
0

0.
1

0.
2

0.
3

0.
4

0.
5

0.
6

0.
7

0.
8

0.
9

Phase

M
ax

 1
.3

7
M

in
 0

.7
7

Ve
lo

cit
y 

[k
m

s
1 ]

369

Flux

0.004
0.010
0.016

0.
00

0.
15

0.
30 0.
0

0.
1

0.
2

0.
3

0.
4

0.
5

0.
6

0.
7

0.
8

0.
9

M
ax

 1
.2

8
M

in
 0

.7
3

Ve
lo

cit
y 

[k
m

s
1 ]

0.
9

1.
2

1.
5

0.010
0.016
0.022

0.
0

0.
1

0.
2

0.
0

0.
1

0.
2

0.
3

0.
4

0.
5

0.
6

0.
7

0.
8

0.
9

M
ax

 1
.3

0
M

in
 0

.7
5

Ve
lo

cit
y 

[k
m

s
1 ]

1.
0

1.
5

2.
0

0.012
0.018
0.024

0.
00

0.
15

0.
30 0.
0

0.
1

0.
2

0.
3

0.
4

0.
5

0.
6

0.
7

0.
8

0.
9

80

M
ax

 1
.2

0
M

in
 0

.8
0

Ve
lo

cit
y 

[k
m

s
1 ]

1.
00

1.
25

1.
50

0.011
0.017
0.023

M
in

M
ea

n

M
ax

Fi
gu

re
B.
1:

Sp
ec
tra

fr
om

m
od

el
0,

ar
ra
ng
ed

by
in
cl
in
at
io
n
an
d
w
av
el
en
gt
h.

Th
e
bo

tto
m

pl
ot

sh
ow

s
th
e
m
ea
n
sp
ec
tru

m
,t
he

gr
ey
-s
ca
le

im
ag
e
is
th
e

qu
ot
ie
nt

of
th
e
sp
ec
tru

m
at
ea
ch

ro
ta
tio

na
lp

ha
se
.T

he
to
p
pl
ot

di
sp
la
ys

R
M
SD

di
str

ib
ut
io
n.

Th
e
pl
ot

to
th
ee

rig
ht

sh
ow

st
he

ch
an
ge

in
co
nt
in
uu

m
le
ve
l

ac
ro
ss

th
e
ph

as
e.

Th
e
m
in
im

um
an
d
m
ax
im

um
ra
ng
e
of

ea
ch

th
e
gr
ey
-s
ca
le
im

ag
es

is
in
di
ca
te
d.

147



APPENDIX B. SPECTRAL VARIABILITY FIGURES
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Appendix C

Auto-Correlation Maps

Auto-correlation maps of the 3D T Tauri models with non-axisymmetric accretion and
wind that are presented in Chapter 5.
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Figure C.1: Auto-correlation map for model 0. White areas correspond to a strong correlation
and black areas strong anti-correlation. The images are symmetrical along the x-y diagonal.
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Anti-correlation Correlation
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Figure C.2: Model 1
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Figure C.3: Model 2
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Anti-correlation Correlation
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Figure C.4: Model 3
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Figure C.5: Model 4
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Anti-correlation Correlation
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Figure C.6: Model 5
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